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Black Hole Accretion 

Active Galactic Nuclei (AGNs)


Black Hole Binaries (BHBs)


Gamma Ray Bursts (GRBs)


Stellar and Galactic Jets

Black hole accretion is a fundamental physical process in the universe and 

is the primary power source behind: 



Accretion Disk Models

Black Hole 
Accretion Flows

Hot Accretion Flows Cold Accretion Flows

Yuan & Narayan (2014)



Hot Accretion: ADAF & RIAF
(Narayan & Yi 94; Yuan 2001;
Tchekhovskoy et al. 2011)
LLAGN, BL Lac objects, Sgr A*, 
XRBs in hard & quiescent states

Standard thin accretion disk
(Shakura-Sunyaev 1976; 
Pringle 1981, ARA&A)
Typical QSOs, Seyferts; XRBs in 
thermal soft state

Super-Eddington accretion 
(Abramowicz et al. 1989; Sadowski et al. 
2014; Jiang et al. 2014)
TDEs, ULXs, SS433

0

-2

-2.5

LH
AF

ADAF

Yuan & Narayan 2014, ARA&A

SEAF

SSD

Accretion Regimes



Topic 1:  
Wind From Hot Accretion Flows



Hot Accretion Flows  
(Optically-thin ADAFs)

Importance of advection in hot accretion flows (Ichimaru 1977; 
Rees et a. 1982; Narayan & Yi 1994; 1995a).


Energy equation of the flow in 1D: 


Hot accretion model has been applied to various black hole 
systems (such as Sgr A∗, LLAGNs, and BHBs in the hard and 
quiescent states). 
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where ρ is the mid-plane density of the gas, R is the radius, H ≈ c s /#K is the vertical scale height,
v is the radial velocity, # is the angular velocity, #K is the Keplerian angular velocity, c s ≡

√
p/ρ

is the isothermal sound speed, p is the pressure, e is the specific internal energy, and q− is the
radiative cooling rate per unit volume. The kinematic viscosity coefficient ν may be parameterized
via the Shakura & Sunyaev (1973) prescription,

ν ≡ αc s H = α
c 2

s

#K
, (5)

where the dimensionless parameter α is generally assumed to be a constant.
Equations 1–4 are quite general in the sense that they encompass all accretion models, includ-

ing the thin disk, slim disk, and ADAF (Section 2.7). Note, however, that Equation 1 implies the
mass accretion rate Ṁ = 4πρRH |v| is independent of the radius. Although this may be a rea-
sonable approximation for a thin disk, numerical simulations of hot accretion flows indicate that
outflows are almost inevitable (Section 3.4), causing the mass accretion rate to decrease with de-
creasing radius. Therefore, assuming a power-law variation for simplicity, it is useful to generalize
Equation 1 to (Blandford & Begelman 1999)

Ṁ (R) = 4πρRH |v| = ṀBH

!
R
RS

"s

, RS ≤ R ≤ Rout, (6)

where RS = 2GM /c 2 is the Schwarzschild radius of the black hole, ṀBH is the mass accretion
rate at this radius, and Rout is the outer radius of the accretion flow. The index s is a measure
of the strength of the outflow; s cannot exceed 1 for energetic reasons (Blandford & Begelman
1999), whereas s = 0 corresponds to a constant mass accretion rate (no outflow). Equations 2–4
should also be modified when there is mass outflow (e.g., Poutanen et al. 2007, Xie & Yuan 2008).
However, the main effect of an outflow is probably through the density profile. Hence, simply
replacing Equation 1 with Equation 6 and retaining Equations 2–4 as written yield a reasonable
first approximation. Another caveat is that the power-law variation of Ṁ with R is not likely to
continue all the way down to RS as written above. It probably ceases at some inner radius Rin of
order ten (or even tens of) RS (Section 3.4).

Equation 4 needs more discussion. The two terms on the left-hand side represent the rate of
change of the internal energy per unit volume and the work done by compression; we call the
latter qc. Together, the two terms represent energy advection, which we write compactly as q adv.
More precisely, q adv corresponds to ρvTds /dR, where T and s are the temperature and specific
entropy of the gas; q adv is thus the radial rate of advection of entropy. The first term on the right-
hand side of Equation 4 is the heating rate per unit volume or, more precisely, the rate at which
entropy is added to the gas via viscous dissipation. Calling this term q+, Equation 4 takes the simple
form

ρv
de
dR

− q c ≡ q adv = q+ − q− ≡ f q+, (7)

where the parameter f ≡ q adv/q+ measures the relative importance of advection. Out of the total
heat energy q+ released by viscous dissipation per unit volume per unit time, a fraction f is advected
and the rest (1 − f ) is radiated. The standard thin disk and SLE models assume q+ = q− and thus
correspond to f = 0, i.e., vanishing energy advection. The slim disk and various hot accretion
flows have nonzero f. Quite often, e.g., when ṀBH ≫ Ṁ Edd (slim disk) or ṀBH ≪ Ṁ Edd (hot
accretion flow), one finds q+ ≫ q−, f → 1. These accretion flows are then strongly advection
dominated.
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2D Hot Accretion Solutions 
(Narayan & Yi 1995a)

Pure inflow solutions!
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Wind Study History
o Early speculation by Narayan & Yi (1994)
o A pioneer work by Stone, Pringle & Begelman (1999): 

Mass accretion rate decreases inward!



Adiabatic Inflow-Outflow Solution (ADIOS; Blandford & 
Begelman 1999;2004) 

Mass loss in outflow causes mass accretion rate decreases 

Convection-Dominated Accretion Flow (CDAF; Narayan, 
Igumenshchev & Abramowicz 2000; Quataert & Gruzinov 2000) 

Accretion flow is convectively unstable 

 Numerical HD & MHD simulation showed that strong wind must exist and it is 
the wind rather than convection! (Yuan et al. 2012a,b; Li, Ostriker & Sunyaev 
2013) 

 Outflow also confirmed by observation (e.g., Wang 2013)

Two Models Proposed to Explain The Simulations



Mechanism of Outflow Production
(Hot Accretion Flow) 

Driving forces: 

Centrifugal force 

Gradient of gas pressure 

Gradient of magnetic 
pressure

pressure gradient, and Lorentz force.9 We show the results for
three representative points in the disk jet, wind, and main disk
regions in Figure 13. For the wind, the main driving forces are
the centrifugal force and magnetic pressure gradient. From the
figure we notice that the gradient of the magnetic pressure is
“downward,” pointing toward the positive θ direction. This is
somewhat surprising because we usually expect that magnetic
field becomes weaker away from the main disk body toward
the coronal region. This reflects the strong fluctuation of the
accretion flow. In fact, if we choose another time or another
location to do the force analysis, we very likely find that the
gradient of the magnetic pressure becomes “upward.” Forthe
same reason, the direction of the gas pressure gradient also
strongly fluctuates with time and location. But statistically, the
gradients of both the gas and magnetic pressure are pointing
along the positive r direction and thus are helpful to the
acceleration of wind. Their magnitudes are also comparable to
the centrifugal force, as shown by Figure 13.

From the figure we can see that the magnitude of the
centrifugal force is larger than (or at least comparable to in
general) the gravitational force. This means that the specific
angular momentum of the wind is larger than or close to the
Keplerian value. For comparison, we also show in the figure
the force analysis in the inflow region. We see that the
magnitude of the centrifugal force is now smaller than the
gravitational force.10 This is consistent with the result obtained
in Yuan et al. (2012a) that the specific angular momentum of
the outflow is systematically larger than that of the inflow. This
implies that some angular momentum is transferred from some
fluid element to another, likely by the magnetic field lines from
the main disk body to the coronal region. Once the combination
of the centrifugal force and the pressure gradient exceeds the
gravitational force, wind will be accelerated.

According to the above analysis, the mechanism of the
acceleration of wind is similar to the Blandford & Payne
(1982) mechanism in the sense that the centrifugal force plays
an important role. The differences are that the gradient of the
pressure plays a comparable role compared with the centrifugal
force. In addition, there is no large-scale magnetic field formed
in our simulation, and the wind region is not force-free.

4.2. Mechanism of the Acceleration of the Jet

In the case of the disk jet, the acceleration mechanism is
completely different from that of Blandford & Payne (1982).
Here the dominant force is the gradient of the toroidal magnetic
pressure, consistent with the result of Hawley & Krolik (2006).
This mechanism is the so-called magnetic tower mechanism
(Lynden-Bell 2003; see also Shibata & Uchida 1985; Kato
et al. 2004). The reason for the much higher jet velocity
compared with the wind velocity is related to the strong
magnetic field and low density. In the case of both thewind
and jet, the energy of the outflow mainly comes from the
rotation energy of the accretion flow. The rotation energy is
converted into the magnetic energy, which then is converted
into the kinetic energy of the wind and jet.

5. SUMMARY

Previous numerical simulations of the black hole accretion
flow have shown that the mass accretion rate decreases inward
(Equation (3)). It has been proposed that this may be caused by
convection or outflow. Stability analysis, however, has indicated
that the accretion flow is convectively stable when the magnetic
field is present. This excludes the possibility of convective
instability and leaves only the mass loss via outflow as the likely
reason. However, previous theoretical works have obtained quite
different results on the strength of outflow. In terms of the mass
accretion rate onto the black hole horizon ṀBH, Narayan et al.
(2012) found that even at »r r90 g, the mass flux of the real
outflow is still very weak. On the other hand, Yuan et al.
(2012a) argue that the mass flux of outflow should be strong,
i.e., a significant fraction of that described by Equation (2).
One of the main aims of the present work therefore is to

investigate how strong the real outflow is. It is well known that
accretion flow is turbulent, so there must be some gas moving
outward in any snapshot as part of turbulent eddies. These
“tubulent outflows” are not “real outflows” since they will turn
back and join the accretion flow. The main difficulty of
obtaining the mass flux of the real outflow is therefore how to
exclude the “contamination” of turbulent outflow in Equa-
tion (2). For this aim, instead of Equation (2), Narayan et al.
(2012) move the ft average inside the integral in Equation (2).
We have adopted a different approach to investigate this

problem. We use a “trajectory approach” to analyze the data of
GRMHD numerical simulations of accretion flow. Different
from the streamline analysis often adopted in accretion flow
study, this approach can provide the trajectory of each “virtual
test particle” in the accretion flow and thus directly show
whether the flow is turbulent outflow or real outflow. The most
important result of our analysis is that the mass flux of the real
outflow is found to be as high as » ( )M M r r˙ ˙ 40 gwind BH (i.e.,
Equation (5); refer to Figure 5). In other words, the mass flux
of the real outflow is equal to ṀBH at 40 rg. As a comparison,
the mass flux calculated by Equation (2) is equal to ṀBH at 30
rg. The reason why Narayan et al. (2012) found a much weaker
outflow is that the real outflow is instantaneous. They wander
around in 3D space, as shown by Figure 3, and thus will be
canceled if the timeaverage is done first.
Several other important results are as follows.

1. Most of the real outflow occurs in the coronal region of
the accretion flow. Within the disk body, it is mainly
inflow (Figure 1).

Figure 13. Force analysis at three representative locations corresponding to the
disk jet, wind, and the main body of the accretion disk. The arrows indicate
force direction, whose length represents force magnitude.

9 We only include the gradient of magnetic pressure. Since f�B Br , the
magnetic tension force is much weaker than the gradient of magnetic pressure,
so we neglect the tension force.
10 This confirms that the accretion flow is sub-Keplerian.

11

The Astrophysical Journal, 804:101 (12pp), 2015 May 10 Yuan et al.

Yuan et al. 2015



Analytical Disk Models

 Vertically integrated 1D models 

cannot describe jets and winds.

 These phenomena are inherently 

2D ( e.g., Blandford & Begelman 

2004; Xue & Wang 2005, Tanaka & 

Menou 2006; Jiao & Wu 2011) 

 In most previous works magnetic 

field is not included!
Mosallanezhad, Bu & Yuan 2016
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Figure 3. Stream lines of the accretion flow, showing the inflow-wind structure. The length of arrows indicates the absolute value of v⃗r + v⃗θ .

in this paper is even quantitatively similar to that obtained in Yuan
et al. (2015). In both cases the boundary is located at about θ ∼
50◦–60◦.

3.2 Angular momentum transfer by wind

The up-right panel of Fig. 2 shows the rotation velocity of the accre-
tion flow. We find that it significantly increases from the equatorial
plane to the rotation axis, which suggests that the specific angular
momentum of wind may be larger than that of inflow. To examine
this point in more detail, we have calculated the mass-flux-weighted
specific angular momentum of both the wind and inflow (see equa-
tions 8 and 9 in Yuan et al. 2012b, for the details of calculation). In
unit of the Keplerian angular momentum lK, the mass-flux-weighted
angular momentum of wind and inflow is found to be

lwind = 0.67lK, linflow = 0.59lK, (52)

respectively. This result means that wind can transfer the angular
momentum of the accretion flow. This result is again consistent with
the numerical simulation result presented in Yuan et al. (2012b).

To compare the efficiency of angular momentum transfer by out-
flow and by viscosity, we calculate the angular momentum flux
transported by outflow and viscosity as follows:

FLout = 2πr2
! π/2

θB

ρ max(vr , 0)(rvφ) sin θdθ, (53)

FLvis = 2πr2
! π/2

θB

rTrφ sin θdθ . (54)

We find

FLout

FLvis
= 0.26. (55)

This means outflows do play an important role in transferring an-
gular momentum.

3.3 Poloidal speed of wind

We have also calculated the mass-flux-weighted poloidal speed
vp(≡

"
v2

r + v2
θ ) of winds when they are just launched. The result

is

vp(r) = 0.18 vK(r), (56)

where vK is the Keplerian velocity. This is consistent with that
obtained in Yuan et al. (2015), where they found that vp ≈ 0.2vK(r).

3.4 Bernoulli parameter and terminal velocity of wind

The Bernoulli parameter is defined as,

Be(r) = v2

2
+ γp

(γ − 1)ρ
− GM

r
. (57)

The first, second, and the third terms on the right-hand side of
the equation correspond to the kinetic energy, enthalpy, and grav-
itational energy, respectively. We have calculated the mass-flux-
weighted Bernoulli parameter of the wind and obtained

Be(r) = 0.11 v2
K (r). (58)

The value of Be is positive, which means that the gas has enough
energy to overcome the gravitational potential, to do work to its sur-
roundings, and to escape to infinity. As a comparison, the numerical
simulation result obtained in Yuan et al. (2012b; equation 19) is that

MNRAS 456, 2877–2884 (2016)
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Importance of Magnetic Field

It is well known that magnetic field must be present 
and even plays an important role in the dynamics of 
accretion flow, 

The  angular  momentum  is  transferred  by  MRI 
(Balbus & Hawley 1991, 1998)

The driving mechanism of winds (Yuan et al. 2015)



MHD Equations
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lines from the accretion flow around the supermassive black hole in
the Galactic Centre, Sgr A* (Wang et al. 2013). As an application
of the accretion-wind theory, more recently, the formation of the
Fermi bubbles detected by the Fermi telescope in the Galaxy has
been successfully explained by the interaction of wind launched
from the accretion flow around Sgr A* and the interstellar medium
(Mou et al. 2014, 2015). Compared to other theoretical models of
the Fermi bubbles, this ‘accretion-wind’ model has two advantages.
One is that the parameters of wind adopted in the model are taken
from the MHD simulation of accretion flow. The second one is that
the model can explain the new observational results obtained by
Suzaku and Chandra which are in conflict with the predictions of
other models.

Almost all of the above-mentioned theoretical works on wind are
numerical. Compared to numerical simulations, analytical study has
its advantage of more clearly revealing some underlying physics.
In this paper, using analytical method, we solve the axisymmetric
steady solution of hot accretion flow with the presence of magnetic
field. Self-similar assumption is adopted as in many previous works.
Special attention is paid to whether the winds exist in the solution
and what are their driving mechanisms if they exist. The aim is to
compare with the numerical results presented in Yuan et al. (2015)
thus to improve our understanding of numerical studies.

There have been many analytical works based on the self-similar
assumption. In the one-dimensional works, the existence of wind
is often an assumption (e.g. Blandford & Begelman 1999; Akizuki
& Fukue 2006; Abbassi, Ghanbari & Najjar 2008; Zhang & Dai
2008; Bu, Yuan & Xie 2009). Winds have been found in some
two-dimensional solutions (e.g. Xu & Chen 1997; Blandford &
Begelman 2004; Xue & Wang 2005; Tanaka & Menou 2006; Jiao
& Wu 2011; Mosallanezhad, Abbassi & Beiranvand 2014; Samadi,
Abbassi & Khajavi 2014; Gu 2015; Samadi & Abbassi 2016) but
not all (e.g. Narayan & Yi 1995 and references therein). In all
these works magnetic field is not included. It is well known that
magnetic field must be present and even plays an important role
in the dynamics of accretion flow, such as the angular momentum
transfer by MRI (Balbus & Hawley 1998), the convective stability of
accretion flow, which is related with the wind production (Narayan
et al. 2012; Yuan et al. 2012b), and the driving mechanism of winds
(Yuan et al. 2015). Therefore, it is useful to solve the accretion
solutions by including magnetic field. This is the aim of this paper.

The organization of the paper is as follows. In Section 2, the
basic MHD equations and assumptions are given. The numerical
solutions of the equations are described in Section 3. The results
are summarized in Section 4.

2 BA S I C M H D EQUATI O N S

The basic MHD equations describing accretion flows read:

dρ

dt
+ ρ∇ · v = 0, (1)

ρ
dv

dt
= −ρ∇" − ∇p + ∇ · T + 1

c
( J × B) , (2)

ρ
de

dt
− p

ρ

dρ

dt
= f Q+, (3)

∂B
∂t

= ∇ ×
!

v × B − 4π

c
η J

"
, (4)

∇ · B = 0. (5)

In the above equations, ρ, v, p , e, T , B and η denote the density,
velocity, gas pressure, gas internal energy, viscous stress tensor,
magnetic field, and magnetic diffusivity, respectively. We adopt an
equation of state of ideal gas, p = (γ − 1)ρe, where γ is the
specific heat ratio. A spherical coordinate (r, θ , φ) is adopted in
this work. "( = −GM/r) is the Newtonian gravitational potential,
where M is the mass of the central black hole, G is the gravitational
constant. J ≡ c/4π(∇ × B) is the electric current. We must include
this dissipation term in equation (4), because otherwise we cannot
obtain the steady solution due to the accumulation of magnetic flux
in the accretion. Q+ is the heating rate. f is the advection factor
describing the fraction of the heating energy which is stored in the
gas and advected into the black hole. In this paper, we set f = 1.
The heating rate Q+ can be decomposed into two components,

Q+ = Qvis + Qres, (6)

with Qvis and Qres denoting the viscous heating and the magnetic
field dissipation heating, respectively. Following Stone et al. (1999),
we assume that the only non-zero component of the viscous tensor
T is the azimuthal component,

Trφ = ρνr
∂(vφ/r)

∂r
, (7)

where ν is the kinematic viscosity. The viscous heating and the
magnetic field dissipation heating can be described as,

Qvis = Trφr
∂

∂r

# vφ

r

$
, (8)

Qres = 4π

c2
η J2. (9)

We adopt the usual α description of viscosity ν = αp /(ρ)K), where
)K = (GM/r3)1/2 is the Keplerian angular velocity. In order to
satisfy the radial self-similar condition, we assume the magnetic
diffusivity η = η0p /(ρ)K).

Following the suggestion from numerical MHD simulations, we
decompose the magnetic field into a large-scale component and a
turbulent component. Both of them can transfer the angular mo-
mentum and can be dissipated and produce heat. The magnetic field
B in equations (2), (4), and (5) corresponds to the former. We de-
scribe the effects of the turbulent component of the magnetic field
in transferring the angular momentum and in dissipating the en-
ergy through the usual α description. Specifically, the viscous force
∇ · T in equation (2) represents angular momentum transfer by the
turbulent magnetic field; the viscous heating rate Qvis in equation
(6) is correspondingly associated with the turbulent component of
the magnetic field.

We assume that the large-scale magnetic field is evenly symmetric
about the equatorial plane (see Fig. 1 for the poloidal configuration
of the magnetic field). This kind of symmetry is widely adopted
in the studies of accretion discs (e.g. Blandford & Payne 1982;
Lovelace, Romanova & Newman 1994; Cao 2011; Li & Begelman
2014).3 Thus we have,

Br (r, θ ) = −Br (r,π − θ ), (10)

Bθ (r, θ ) = +Bθ (r,π − θ ), (11)

3 Shahram Abbassi’s group (Samadi & Abbassi 2016) have studied the case
of an oddly symmetric magnetic field.

MNRAS 456, 2877–2884 (2016)
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lines from the accretion flow around the supermassive black hole in
the Galactic Centre, Sgr A* (Wang et al. 2013). As an application
of the accretion-wind theory, more recently, the formation of the
Fermi bubbles detected by the Fermi telescope in the Galaxy has
been successfully explained by the interaction of wind launched
from the accretion flow around Sgr A* and the interstellar medium
(Mou et al. 2014, 2015). Compared to other theoretical models of
the Fermi bubbles, this ‘accretion-wind’ model has two advantages.
One is that the parameters of wind adopted in the model are taken
from the MHD simulation of accretion flow. The second one is that
the model can explain the new observational results obtained by
Suzaku and Chandra which are in conflict with the predictions of
other models.

Almost all of the above-mentioned theoretical works on wind are
numerical. Compared to numerical simulations, analytical study has
its advantage of more clearly revealing some underlying physics.
In this paper, using analytical method, we solve the axisymmetric
steady solution of hot accretion flow with the presence of magnetic
field. Self-similar assumption is adopted as in many previous works.
Special attention is paid to whether the winds exist in the solution
and what are their driving mechanisms if they exist. The aim is to
compare with the numerical results presented in Yuan et al. (2015)
thus to improve our understanding of numerical studies.

There have been many analytical works based on the self-similar
assumption. In the one-dimensional works, the existence of wind
is often an assumption (e.g. Blandford & Begelman 1999; Akizuki
& Fukue 2006; Abbassi, Ghanbari & Najjar 2008; Zhang & Dai
2008; Bu, Yuan & Xie 2009). Winds have been found in some
two-dimensional solutions (e.g. Xu & Chen 1997; Blandford &
Begelman 2004; Xue & Wang 2005; Tanaka & Menou 2006; Jiao
& Wu 2011; Mosallanezhad, Abbassi & Beiranvand 2014; Samadi,
Abbassi & Khajavi 2014; Gu 2015; Samadi & Abbassi 2016) but
not all (e.g. Narayan & Yi 1995 and references therein). In all
these works magnetic field is not included. It is well known that
magnetic field must be present and even plays an important role
in the dynamics of accretion flow, such as the angular momentum
transfer by MRI (Balbus & Hawley 1998), the convective stability of
accretion flow, which is related with the wind production (Narayan
et al. 2012; Yuan et al. 2012b), and the driving mechanism of winds
(Yuan et al. 2015). Therefore, it is useful to solve the accretion
solutions by including magnetic field. This is the aim of this paper.

The organization of the paper is as follows. In Section 2, the
basic MHD equations and assumptions are given. The numerical
solutions of the equations are described in Section 3. The results
are summarized in Section 4.

2 BA S I C M H D EQUATI O N S

The basic MHD equations describing accretion flows read:

dρ

dt
+ ρ∇ · v = 0, (1)

ρ
dv

dt
= −ρ∇" − ∇p + ∇ · T + 1

c
( J × B) , (2)

ρ
de

dt
− p

ρ

dρ

dt
= f Q+, (3)

∂B
∂t

= ∇ ×
!

v × B − 4π

c
η J

"
, (4)

∇ · B = 0. (5)

In the above equations, ρ, v, p , e, T , B and η denote the density,
velocity, gas pressure, gas internal energy, viscous stress tensor,
magnetic field, and magnetic diffusivity, respectively. We adopt an
equation of state of ideal gas, p = (γ − 1)ρe, where γ is the
specific heat ratio. A spherical coordinate (r, θ , φ) is adopted in
this work. "( = −GM/r) is the Newtonian gravitational potential,
where M is the mass of the central black hole, G is the gravitational
constant. J ≡ c/4π(∇ × B) is the electric current. We must include
this dissipation term in equation (4), because otherwise we cannot
obtain the steady solution due to the accumulation of magnetic flux
in the accretion. Q+ is the heating rate. f is the advection factor
describing the fraction of the heating energy which is stored in the
gas and advected into the black hole. In this paper, we set f = 1.
The heating rate Q+ can be decomposed into two components,

Q+ = Qvis + Qres, (6)

with Qvis and Qres denoting the viscous heating and the magnetic
field dissipation heating, respectively. Following Stone et al. (1999),
we assume that the only non-zero component of the viscous tensor
T is the azimuthal component,

Trφ = ρνr
∂(vφ/r)

∂r
, (7)

where ν is the kinematic viscosity. The viscous heating and the
magnetic field dissipation heating can be described as,

Qvis = Trφr
∂

∂r

# vφ

r

$
, (8)

Qres = 4π

c2
η J2. (9)

We adopt the usual α description of viscosity ν = αp /(ρ)K), where
)K = (GM/r3)1/2 is the Keplerian angular velocity. In order to
satisfy the radial self-similar condition, we assume the magnetic
diffusivity η = η0p /(ρ)K).

Following the suggestion from numerical MHD simulations, we
decompose the magnetic field into a large-scale component and a
turbulent component. Both of them can transfer the angular mo-
mentum and can be dissipated and produce heat. The magnetic field
B in equations (2), (4), and (5) corresponds to the former. We de-
scribe the effects of the turbulent component of the magnetic field
in transferring the angular momentum and in dissipating the en-
ergy through the usual α description. Specifically, the viscous force
∇ · T in equation (2) represents angular momentum transfer by the
turbulent magnetic field; the viscous heating rate Qvis in equation
(6) is correspondingly associated with the turbulent component of
the magnetic field.

We assume that the large-scale magnetic field is evenly symmetric
about the equatorial plane (see Fig. 1 for the poloidal configuration
of the magnetic field). This kind of symmetry is widely adopted
in the studies of accretion discs (e.g. Blandford & Payne 1982;
Lovelace, Romanova & Newman 1994; Cao 2011; Li & Begelman
2014).3 Thus we have,

Br (r, θ ) = −Br (r,π − θ ), (10)

Bθ (r, θ ) = +Bθ (r,π − θ ), (11)

3 Shahram Abbassi’s group (Samadi & Abbassi 2016) have studied the case
of an oddly symmetric magnetic field.
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Figure 1. Solid lines represent the magnetic field line. Colours show the logarithm angular velocity (vφ/r). It is clear that moving along the magnetic field
lines starting from the equatorial plane, the angular velocity decreases. Therefore, if we assume that Br above the equatorial plane is positive, shear of the flow
will produce a negative Bφ .

Bφ(r, θ ) = −Bφ(r,π − θ ). (12)

A toroidal component of the magnetic field is generated due to the
shear of the accretion flow. Therefore, the radial and the toroidal
components of the magnetic field should have opposite sign. In this
paper, we only focus on the region above the equatorial plane, we set
the radial component of the magnetic field to be positive (Br > 0).
Therefore, the toroidal component of the magnetic field generated
by shear is negative (Bφ < 0).

We solve for the steady state, axisymmetric (∂/∂t= ∂/∂φ = 0)
solutions of equations (1)– (5). The continuity equation can be
rewritten as,
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The equation of energy is expressed as,
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The three components of induction equation (4) can be expressed
as,
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For a steady state, the right-hand side of equations (21), (22), and
(23) has to be equal to zero. Therefore, we have r sin θ (vrBθ − vθ Br

− ηJφ) = 0 or a constant. In this paper, we assume it is equal to
zero:
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Finally, the divergence-free equation (5) can be written as,
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lines from the accretion flow around the supermassive black hole in
the Galactic Centre, Sgr A* (Wang et al. 2013). As an application
of the accretion-wind theory, more recently, the formation of the
Fermi bubbles detected by the Fermi telescope in the Galaxy has
been successfully explained by the interaction of wind launched
from the accretion flow around Sgr A* and the interstellar medium
(Mou et al. 2014, 2015). Compared to other theoretical models of
the Fermi bubbles, this ‘accretion-wind’ model has two advantages.
One is that the parameters of wind adopted in the model are taken
from the MHD simulation of accretion flow. The second one is that
the model can explain the new observational results obtained by
Suzaku and Chandra which are in conflict with the predictions of
other models.

Almost all of the above-mentioned theoretical works on wind are
numerical. Compared to numerical simulations, analytical study has
its advantage of more clearly revealing some underlying physics.
In this paper, using analytical method, we solve the axisymmetric
steady solution of hot accretion flow with the presence of magnetic
field. Self-similar assumption is adopted as in many previous works.
Special attention is paid to whether the winds exist in the solution
and what are their driving mechanisms if they exist. The aim is to
compare with the numerical results presented in Yuan et al. (2015)
thus to improve our understanding of numerical studies.

There have been many analytical works based on the self-similar
assumption. In the one-dimensional works, the existence of wind
is often an assumption (e.g. Blandford & Begelman 1999; Akizuki
& Fukue 2006; Abbassi, Ghanbari & Najjar 2008; Zhang & Dai
2008; Bu, Yuan & Xie 2009). Winds have been found in some
two-dimensional solutions (e.g. Xu & Chen 1997; Blandford &
Begelman 2004; Xue & Wang 2005; Tanaka & Menou 2006; Jiao
& Wu 2011; Mosallanezhad, Abbassi & Beiranvand 2014; Samadi,
Abbassi & Khajavi 2014; Gu 2015; Samadi & Abbassi 2016) but
not all (e.g. Narayan & Yi 1995 and references therein). In all
these works magnetic field is not included. It is well known that
magnetic field must be present and even plays an important role
in the dynamics of accretion flow, such as the angular momentum
transfer by MRI (Balbus & Hawley 1998), the convective stability of
accretion flow, which is related with the wind production (Narayan
et al. 2012; Yuan et al. 2012b), and the driving mechanism of winds
(Yuan et al. 2015). Therefore, it is useful to solve the accretion
solutions by including magnetic field. This is the aim of this paper.

The organization of the paper is as follows. In Section 2, the
basic MHD equations and assumptions are given. The numerical
solutions of the equations are described in Section 3. The results
are summarized in Section 4.

2 BA S I C M H D EQUATI O N S

The basic MHD equations describing accretion flows read:

dρ

dt
+ ρ∇ · v = 0, (1)

ρ
dv

dt
= −ρ∇" − ∇p + ∇ · T + 1

c
( J × B) , (2)

ρ
de

dt
− p

ρ

dρ

dt
= f Q+, (3)

∂B
∂t

= ∇ ×
!

v × B − 4π

c
η J

"
, (4)

∇ · B = 0. (5)

In the above equations, ρ, v, p , e, T , B and η denote the density,
velocity, gas pressure, gas internal energy, viscous stress tensor,
magnetic field, and magnetic diffusivity, respectively. We adopt an
equation of state of ideal gas, p = (γ − 1)ρe, where γ is the
specific heat ratio. A spherical coordinate (r, θ , φ) is adopted in
this work. "( = −GM/r) is the Newtonian gravitational potential,
where M is the mass of the central black hole, G is the gravitational
constant. J ≡ c/4π(∇ × B) is the electric current. We must include
this dissipation term in equation (4), because otherwise we cannot
obtain the steady solution due to the accumulation of magnetic flux
in the accretion. Q+ is the heating rate. f is the advection factor
describing the fraction of the heating energy which is stored in the
gas and advected into the black hole. In this paper, we set f = 1.
The heating rate Q+ can be decomposed into two components,

Q+ = Qvis + Qres, (6)

with Qvis and Qres denoting the viscous heating and the magnetic
field dissipation heating, respectively. Following Stone et al. (1999),
we assume that the only non-zero component of the viscous tensor
T is the azimuthal component,

Trφ = ρνr
∂(vφ/r)

∂r
, (7)

where ν is the kinematic viscosity. The viscous heating and the
magnetic field dissipation heating can be described as,

Qvis = Trφr
∂

∂r

# vφ

r

$
, (8)

Qres = 4π

c2
η J2. (9)

We adopt the usual α description of viscosity ν = αp /(ρ)K), where
)K = (GM/r3)1/2 is the Keplerian angular velocity. In order to
satisfy the radial self-similar condition, we assume the magnetic
diffusivity η = η0p /(ρ)K).

Following the suggestion from numerical MHD simulations, we
decompose the magnetic field into a large-scale component and a
turbulent component. Both of them can transfer the angular mo-
mentum and can be dissipated and produce heat. The magnetic field
B in equations (2), (4), and (5) corresponds to the former. We de-
scribe the effects of the turbulent component of the magnetic field
in transferring the angular momentum and in dissipating the en-
ergy through the usual α description. Specifically, the viscous force
∇ · T in equation (2) represents angular momentum transfer by the
turbulent magnetic field; the viscous heating rate Qvis in equation
(6) is correspondingly associated with the turbulent component of
the magnetic field.

We assume that the large-scale magnetic field is evenly symmetric
about the equatorial plane (see Fig. 1 for the poloidal configuration
of the magnetic field). This kind of symmetry is widely adopted
in the studies of accretion discs (e.g. Blandford & Payne 1982;
Lovelace, Romanova & Newman 1994; Cao 2011; Li & Begelman
2014).3 Thus we have,

Br (r, θ ) = −Br (r,π − θ ), (10)

Bθ (r, θ ) = +Bθ (r,π − θ ), (11)

3 Shahram Abbassi’s group (Samadi & Abbassi 2016) have studied the case
of an oddly symmetric magnetic field.
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lines from the accretion flow around the supermassive black hole in
the Galactic Centre, Sgr A* (Wang et al. 2013). As an application
of the accretion-wind theory, more recently, the formation of the
Fermi bubbles detected by the Fermi telescope in the Galaxy has
been successfully explained by the interaction of wind launched
from the accretion flow around Sgr A* and the interstellar medium
(Mou et al. 2014, 2015). Compared to other theoretical models of
the Fermi bubbles, this ‘accretion-wind’ model has two advantages.
One is that the parameters of wind adopted in the model are taken
from the MHD simulation of accretion flow. The second one is that
the model can explain the new observational results obtained by
Suzaku and Chandra which are in conflict with the predictions of
other models.

Almost all of the above-mentioned theoretical works on wind are
numerical. Compared to numerical simulations, analytical study has
its advantage of more clearly revealing some underlying physics.
In this paper, using analytical method, we solve the axisymmetric
steady solution of hot accretion flow with the presence of magnetic
field. Self-similar assumption is adopted as in many previous works.
Special attention is paid to whether the winds exist in the solution
and what are their driving mechanisms if they exist. The aim is to
compare with the numerical results presented in Yuan et al. (2015)
thus to improve our understanding of numerical studies.

There have been many analytical works based on the self-similar
assumption. In the one-dimensional works, the existence of wind
is often an assumption (e.g. Blandford & Begelman 1999; Akizuki
& Fukue 2006; Abbassi, Ghanbari & Najjar 2008; Zhang & Dai
2008; Bu, Yuan & Xie 2009). Winds have been found in some
two-dimensional solutions (e.g. Xu & Chen 1997; Blandford &
Begelman 2004; Xue & Wang 2005; Tanaka & Menou 2006; Jiao
& Wu 2011; Mosallanezhad, Abbassi & Beiranvand 2014; Samadi,
Abbassi & Khajavi 2014; Gu 2015; Samadi & Abbassi 2016) but
not all (e.g. Narayan & Yi 1995 and references therein). In all
these works magnetic field is not included. It is well known that
magnetic field must be present and even plays an important role
in the dynamics of accretion flow, such as the angular momentum
transfer by MRI (Balbus & Hawley 1998), the convective stability of
accretion flow, which is related with the wind production (Narayan
et al. 2012; Yuan et al. 2012b), and the driving mechanism of winds
(Yuan et al. 2015). Therefore, it is useful to solve the accretion
solutions by including magnetic field. This is the aim of this paper.

The organization of the paper is as follows. In Section 2, the
basic MHD equations and assumptions are given. The numerical
solutions of the equations are described in Section 3. The results
are summarized in Section 4.

2 BA S I C M H D EQUATI O N S

The basic MHD equations describing accretion flows read:

dρ

dt
+ ρ∇ · v = 0, (1)

ρ
dv

dt
= −ρ∇" − ∇p + ∇ · T + 1

c
( J × B) , (2)
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de
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= f Q+, (3)
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∂t

= ∇ ×
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"
, (4)

∇ · B = 0. (5)

In the above equations, ρ, v, p , e, T , B and η denote the density,
velocity, gas pressure, gas internal energy, viscous stress tensor,
magnetic field, and magnetic diffusivity, respectively. We adopt an
equation of state of ideal gas, p = (γ − 1)ρe, where γ is the
specific heat ratio. A spherical coordinate (r, θ , φ) is adopted in
this work. "( = −GM/r) is the Newtonian gravitational potential,
where M is the mass of the central black hole, G is the gravitational
constant. J ≡ c/4π(∇ × B) is the electric current. We must include
this dissipation term in equation (4), because otherwise we cannot
obtain the steady solution due to the accumulation of magnetic flux
in the accretion. Q+ is the heating rate. f is the advection factor
describing the fraction of the heating energy which is stored in the
gas and advected into the black hole. In this paper, we set f = 1.
The heating rate Q+ can be decomposed into two components,

Q+ = Qvis + Qres, (6)

with Qvis and Qres denoting the viscous heating and the magnetic
field dissipation heating, respectively. Following Stone et al. (1999),
we assume that the only non-zero component of the viscous tensor
T is the azimuthal component,

Trφ = ρνr
∂(vφ/r)

∂r
, (7)

where ν is the kinematic viscosity. The viscous heating and the
magnetic field dissipation heating can be described as,

Qvis = Trφr
∂

∂r

# vφ

r

$
, (8)

Qres = 4π

c2
η J2. (9)

We adopt the usual α description of viscosity ν = αp /(ρ)K), where
)K = (GM/r3)1/2 is the Keplerian angular velocity. In order to
satisfy the radial self-similar condition, we assume the magnetic
diffusivity η = η0p /(ρ)K).

Following the suggestion from numerical MHD simulations, we
decompose the magnetic field into a large-scale component and a
turbulent component. Both of them can transfer the angular mo-
mentum and can be dissipated and produce heat. The magnetic field
B in equations (2), (4), and (5) corresponds to the former. We de-
scribe the effects of the turbulent component of the magnetic field
in transferring the angular momentum and in dissipating the en-
ergy through the usual α description. Specifically, the viscous force
∇ · T in equation (2) represents angular momentum transfer by the
turbulent magnetic field; the viscous heating rate Qvis in equation
(6) is correspondingly associated with the turbulent component of
the magnetic field.

We assume that the large-scale magnetic field is evenly symmetric
about the equatorial plane (see Fig. 1 for the poloidal configuration
of the magnetic field). This kind of symmetry is widely adopted
in the studies of accretion discs (e.g. Blandford & Payne 1982;
Lovelace, Romanova & Newman 1994; Cao 2011; Li & Begelman
2014).3 Thus we have,

Br (r, θ ) = −Br (r,π − θ ), (10)

Bθ (r, θ ) = +Bθ (r,π − θ ), (11)

3 Shahram Abbassi’s group (Samadi & Abbassi 2016) have studied the case
of an oddly symmetric magnetic field.
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Figure 1. Solid lines represent the magnetic field line. Colours show the logarithm angular velocity (vφ/r). It is clear that moving along the magnetic field
lines starting from the equatorial plane, the angular velocity decreases. Therefore, if we assume that Br above the equatorial plane is positive, shear of the flow
will produce a negative Bφ .

Bφ(r, θ ) = −Bφ(r,π − θ ). (12)

A toroidal component of the magnetic field is generated due to the
shear of the accretion flow. Therefore, the radial and the toroidal
components of the magnetic field should have opposite sign. In this
paper, we only focus on the region above the equatorial plane, we set
the radial component of the magnetic field to be positive (Br > 0).
Therefore, the toroidal component of the magnetic field generated
by shear is negative (Bφ < 0).

We solve for the steady state, axisymmetric (∂/∂t= ∂/∂φ = 0)
solutions of equations (1)– (5). The continuity equation can be
rewritten as,

1
r2

∂
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r2ρvr

"
+ 1

r sin θ

∂

∂θ
(sin θρvθ ) = 0. (13)

The momentum equation (2) reads
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where the current ( J) reads

Jr = 1
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"
, (17)

Jθ = −1
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The equation of energy is expressed as,
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The three components of induction equation (4) can be expressed
as,

∂Br
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= ∂

∂θ

+
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",
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For a steady state, the right-hand side of equations (21), (22), and
(23) has to be equal to zero. Therefore, we have r sin θ (vrBθ − vθ Br

− ηJφ) = 0 or a constant. In this paper, we assume it is equal to
zero:

r sin θ
!
vrBθ − vθBr − ηJφ

"
= 0. (24)

Finally, the divergence-free equation (5) can be written as,
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Figure 1. Solid lines represent the magnetic field line. Colours show the logarithm angular velocity (vφ/r). It is clear that moving along the magnetic field
lines starting from the equatorial plane, the angular velocity decreases. Therefore, if we assume that Br above the equatorial plane is positive, shear of the flow
will produce a negative Bφ .

Bφ(r, θ ) = −Bφ(r,π − θ ). (12)

A toroidal component of the magnetic field is generated due to the
shear of the accretion flow. Therefore, the radial and the toroidal
components of the magnetic field should have opposite sign. In this
paper, we only focus on the region above the equatorial plane, we set
the radial component of the magnetic field to be positive (Br > 0).
Therefore, the toroidal component of the magnetic field generated
by shear is negative (Bφ < 0).

We solve for the steady state, axisymmetric (∂/∂t= ∂/∂φ = 0)
solutions of equations (1)– (5). The continuity equation can be
rewritten as,

1
r2

∂

∂r

!
r2ρvr

"
+ 1

r sin θ

∂

∂θ
(sin θρvθ ) = 0. (13)

The momentum equation (2) reads
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where the current ( J) reads
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The equation of energy is expressed as,
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The three components of induction equation (4) can be expressed
as,
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For a steady state, the right-hand side of equations (21), (22), and
(23) has to be equal to zero. Therefore, we have r sin θ (vrBθ − vθ Br

− ηJφ) = 0 or a constant. In this paper, we assume it is equal to
zero:

r sin θ
!
vrBθ − vθBr − ηJφ

"
= 0. (24)

Finally, the divergence-free equation (5) can be written as,
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Figure 1. Solid lines represent the magnetic field line. Colours show the logarithm angular velocity (vφ/r). It is clear that moving along the magnetic field
lines starting from the equatorial plane, the angular velocity decreases. Therefore, if we assume that Br above the equatorial plane is positive, shear of the flow
will produce a negative Bφ .

Bφ(r, θ ) = −Bφ(r,π − θ ). (12)

A toroidal component of the magnetic field is generated due to the
shear of the accretion flow. Therefore, the radial and the toroidal
components of the magnetic field should have opposite sign. In this
paper, we only focus on the region above the equatorial plane, we set
the radial component of the magnetic field to be positive (Br > 0).
Therefore, the toroidal component of the magnetic field generated
by shear is negative (Bφ < 0).

We solve for the steady state, axisymmetric (∂/∂t= ∂/∂φ = 0)
solutions of equations (1)– (5). The continuity equation can be
rewritten as,

1
r2

∂

∂r

!
r2ρvr

"
+ 1

r sin θ

∂

∂θ
(sin θρvθ ) = 0. (13)

The momentum equation (2) reads

ρ

#
vr

∂vr

∂r
+ vθ

r

$
∂vr

∂θ
− vθ

%
−

v2
φ

r

&
= −ρ

GM∗
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∂r
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"
, (14)
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"
, (15)
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(
= 1
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∂
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r3Trφ

"

+ 1
4π

(JrBθ − JθBr ) , (16)

where the current ( J) reads

Jr = 1
r sin θ

∂

∂θ

!
Bφ sin θ

"
, (17)

Jθ = −1
r

∂

∂r

!
rBφ

"
, (18)

Jφ = 1
r

'
∂

∂r
(rBθ ) − ∂Br

∂θ

(
. (19)

The equation of energy is expressed as,

ρ

$
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∂r
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r
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∂θ

%
− p
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$
vr

∂ρ
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+ vθ
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∂θ

%
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Trφr

∂
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) vφ

r

*
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4π

!
J 2

r + J 2
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φ

"%
. (20)

The three components of induction equation (4) can be expressed
as,

∂Br

∂t
= ∂

∂θ

+
r sin θ

!
vrBθ − vθBr − ηJφ

",
, (21)

∂Bθ

∂t
= ∂

∂r

+
r sin θ

!
vrBθ − vθBr − ηJφ

",
, (22)

∂Bφ

∂t
= ∂

∂r

!
rvφBr − rvrBφ

"
+ ∂

∂θ

!
vφBθ − vθBφ

"

+ ∂

∂θ
(ηJr ) − ∂

∂r
(rηJθ ) . (23)

For a steady state, the right-hand side of equations (21), (22), and
(23) has to be equal to zero. Therefore, we have r sin θ (vrBθ − vθ Br

− ηJφ) = 0 or a constant. In this paper, we assume it is equal to
zero:

r sin θ
!
vrBθ − vθBr − ηJφ

"
= 0. (24)

Finally, the divergence-free equation (5) can be written as,

1
r2

∂

∂r

!
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"
+ 1

r sin θ

∂

∂θ
(sin θBθ ) = 0. (25)
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Fig. 2. Force analysis at wind region to show driving mechanism of wind. The left and right panels are for models A and C, respectively. The
length of the arrows schematically denotes the magnitude of the forces. Fg: gravitational force; Fc: centrifugal force; Ftotal: the total force.

Fig. 3. Mass flux weighted Bernoulli parameter in units of v2
K. The

squares denote the results in models A, B, and C.

Fukue 1990)

Be =
1
2
v2 + h +  +

B�B�
4⇡⇢

� B�v�
4⇡
. (30)

Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
B2

r + B2
✓ . Figure 3 shows the mass-flux-weighted Bernoulli pa-

rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�

0�
⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
Z 90�

0�
⇢e max(vr, 0) sin ✓d✓. (33)

The Poynting energy flux is

PB(r) = 4⇡r2
Z 90�

0�
S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2

4⇡
� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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Strong Magnetic Field Weak Magnetic Field 

When the magnetic field is weak, wind is driven by gas pressure gradient and centrifugal forces. 

When the magnetic field is strong, wind is driven by gas pressure gradient and magnetic pressure 
gradient forces. 
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⇣
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dv�
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+
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2
⌘ j✓ + ⌘

d jr
d✓
+ jr

d⌘
d✓
= 0, (23)

db✓
d✓
� 1

2
(n � 3)br + b✓ cot ✓ = 0, (24)

where,

jr =
db�
d✓
+ b� cot ✓, (25)

j✓ =
1
2

(n � 1)b�, (26)

j� = �
1
2

(n � 1)b✓ �
dbr

d✓
· (27)

The above di↵erential equations consist of eight variables:
vr(✓), v✓(✓), v�(✓), ⇢(✓), p(✓), br(✓), b✓(✓), and b�(✓). By assuming
even symmetry for the accretion flow about the equatorial plane,
the boundary conditions require,

dvr

d✓
=

dv�
d✓
=

d⇢
d✓
=

dp
d✓
=

db✓
d✓
= br = b� = v✓ = 0. (28)

We set the density at the equatorial plane ⇢(⇡/2) = 1. Also,
the magnetic field strength is set to,

�0 =
8⇡p(⇡/2)
b2
✓(⇡/2)

· (29)

3. Results

Equations (18)–(24) are solved numerically. We set Br and B� to
be null at the equatorial plane. Above the equatorial plane, we
set Br to be positive; B� is generated by the shear of the flow
and should be negative. The MHD equations are integrated from
✓ = ⇡/2 toward the rotational axis (✓ = 0). We find that B� is
negative at the beginning of integration. However, B� becomes
positive at an angle ✓s near the rotation axis. We stop integration
at ✓s. We believe the solution in the region of ✓s < ✓ < ⇡/2 is still
physical.1 The reasons are as follows. First, the solutions satisfy
boundary conditions at ✓ = ⇡/2. Second, the physical quantities
at ✓s are physical. Therefore, we can reasonably treat these val-
ues as boundary conditions at ✓s. In fact, in Mosallanezhad et al.
(2016), we also study the properties of accretion flow by as-
suming radial self-similarity. It is shown that the main prop-
erties of the solutions obtained in this way are in good agree-
ment with those obtained in Yuan et al. (2015) from numerical
simulations.

The parameters we adopt are ↵ = ⌘0 = 0.1. Numerical simu-
lations of hot accretion flow show that the radial profile of den-
sity can be described as a power-law function of r as ⇢ / r�n,
with 0.5 < n < 1 (e.g., Stone et al. 1999; Yuan et al. 2012a). In
this paper, we set n = 0.85. We also assume that radiation is not
important and set the advection factor f = 1. In this paper, we

1 Two-dimensional results found in Jiao & Wu (2011) are similar in
the sense that they also had to stop in their integration at a certain
✓ > 0.

have three models. In model A, the plasma beta at the equatorial
plane is �0 = 250. In models B and C, �0 = 50 and 5, respec-
tively. The magnetic field is strongest in model C. The magnetic
field strength in model B is moderate. In model A, the magnetic
field is the weakest.

Figure 1 plots the angular profiles of physical quantities. The
blue, red, and green lines are for �0 = 250 (model A), 50
(model B), and 5 (model C), respectively. It is clear that at the
region close to the equatorial plane ✓ > 40�, the radial veloc-
ity is negative and gas flows toward the black hole. The region
✓ > 40� is the inflowing region. In the region ✓ < 40�, the ra-
dial velocity is positive. The region ✓ < 40� is the wind region.
This result is fully consistent with that obtained by simulations
(Yuan et al. 2015; see also Narayan et al. 2012; Sadowski et al.
2013). In those works, it is found that inflow is present
around the equatorial plane while wind is present in the polar
region.

The azimuthal velocity (see Fig. 1) in the highly
magnetized case (�0 = 5) is significantly smaller than
those in weakly magnetized cases (�0 = 50 and 250). The reason
is as follows. In highly magnetized accretion flow, Maxwell
stress is large. Angular momentum can be transferred outward
very e�ciently. Therefore, the specific angular momentum (or
equivalently azimuthal velocity) of highly magnetized accretion
flows is much smaller. Numerical simulations also find that the
specific angular momentum of gas in the MAD model is sig-
nificantly smaller than that in the SANE model (Narayan et al.
2012; Tchekhovskoy & McKinney 2012; McKinney et al.
2012).

The quantities v✓ and v� increase with decreasing ✓. This
is consistent with what was found in Jiao & Wu (2011). In
the wind region (✓ < 40�), we find that the poloidal velocity

(vp =
q

v2
r + v2

✓) of wind in the strongly magnetized flow is
larger than that in the weakly magnetized flow (see Fig. 1). In
order to study the reason for the di↵erence of poloidal veloc-
ity in di↵erent models, we calculate the forces at the wind re-
gion. Figure 2 shows the result. The left and right panels are for
models A and C, respectively. In the weakly magnetized case
(model A), the dominant driving forces for wind are the cen-
trifugal force and the gradient of the gas pressure. In the strongly
magnetized case (model C), the centrifugal force is much smaller
due to the low rotational velocity in this model (see left panel of
the second row of Fig. 1). The magnetic pressure gradient force
in model C is much stronger than that in model A. The gas pres-
sure gradient force is larger in model C than in model A. The
total force in model C is larger than in model A. Therefore, the
poloidal velocity of wind in model C is greatest. We note that the
poloidal velocity of wind in model C is just slightly larger than
that in models A and B.

From Fig. 1, we can see that from the equatorial plane to the
rotation axis, the density and pressure decrease. From the bot-
tom right panel of Fig. 1, we see that the temperature (or sound
speed) in model C is slightly higher than that in models A and B.
The temperature of accretion flow depends on heating. In this pa-
per, we have both viscous and magnetic dissipation heating. In
viscous heating, qvis / (v�/r)2. In magnetic dissipation heating,
qres / B2. In model C, the azimuthal velocity is much smaller
than that in models A and B. Therefore, the viscous heating in
model C is much smaller than in models A and B. However, the
magnetic dissipation rate in model C is much bigger than that in
models A and B because the magnetic field is much stronger in
model C. The total heating rate per particle in model C is much
bigger than in models A and B. Quantitatively, we find than the
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Fig. 2. Force analysis at wind region to show driving mechanism of wind. The left and right panels are for models A and C, respectively. The
length of the arrows schematically denotes the magnitude of the forces. Fg: gravitational force; Fc: centrifugal force; Ftotal: the total force.

Fig. 3. Mass flux weighted Bernoulli parameter in units of v2
K. The

squares denote the results in models A, B, and C.

Fukue 1990)

Be =
1
2
v2 + h +  +

B�B�
4⇡⇢

� B�v�
4⇡
. (30)

Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
B2

r + B2
✓ . Figure 3 shows the mass-flux-weighted Bernoulli pa-

rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�

0�
⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
Z 90�

0�
⇢e max(vr, 0) sin ✓d✓. (33)

The Poynting energy flux is

PB(r) = 4⇡r2
Z 90�

0�
S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2

4⇡
� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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Fig. 2. Force analysis at wind region to show driving mechanism of wind. The left and right panels are for models A and C, respectively. The
length of the arrows schematically denotes the magnitude of the forces. Fg: gravitational force; Fc: centrifugal force; Ftotal: the total force.

Fig. 3. Mass flux weighted Bernoulli parameter in units of v2
K. The

squares denote the results in models A, B, and C.
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v2 + h +  +

B�B�
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� B�v�
4⇡
. (30)

Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
B2

r + B2
✓ . Figure 3 shows the mass-flux-weighted Bernoulli pa-

rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�

0�
⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
Z 90�

0�
⇢e max(vr, 0) sin ✓d✓. (33)

The Poynting energy flux is

PB(r) = 4⇡r2
Z 90�

0�
S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2

4⇡
� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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Fig. 2. Force analysis at wind region to show driving mechanism of wind. The left and right panels are for models A and C, respectively. The
length of the arrows schematically denotes the magnitude of the forces. Fg: gravitational force; Fc: centrifugal force; Ftotal: the total force.

Fig. 3. Mass flux weighted Bernoulli parameter in units of v2
K. The

squares denote the results in models A, B, and C.
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Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
B2

r + B2
✓ . Figure 3 shows the mass-flux-weighted Bernoulli pa-

rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�

0�
⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
Z 90�

0�
⇢e max(vr, 0) sin ✓d✓. (33)

The Poynting energy flux is

PB(r) = 4⇡r2
Z 90�

0�
S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2

4⇡
� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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Fig. 2. Force analysis at wind region to show driving mechanism of wind. The left and right panels are for models A and C, respectively. The
length of the arrows schematically denotes the magnitude of the forces. Fg: gravitational force; Fc: centrifugal force; Ftotal: the total force.

Fig. 3. Mass flux weighted Bernoulli parameter in units of v2
K. The

squares denote the results in models A, B, and C.

Fukue 1990)
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v2 + h +  +

B�B�
4⇡⇢

� B�v�
4⇡
. (30)

Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
B2

r + B2
✓ . Figure 3 shows the mass-flux-weighted Bernoulli pa-

rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�

0�
⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
Z 90�

0�
⇢e max(vr, 0) sin ✓d✓. (33)

The Poynting energy flux is

PB(r) = 4⇡r2
Z 90�

0�
S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2

4⇡
� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�
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⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
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The Poynting energy flux is

PB(r) = 4⇡r2
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S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2
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� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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Fig. 4. Power carried by wind in units of Ṁinc2. The red and blue lines
correspond to thermal and kinetic powers carried by wind, respectively.
The green line shows Poynting flux. The black line shows the total
power

4. Summary and discussion

In this paper, we solve two-dimensional MHD equations of hot ac-
cretion flow incorporating an evenly symmetric magnetic field. In
order to simplify the equations, we assume radial self-similarity.
We find that wind is present at ✓ < 40�, while inflow is present
around the equatorial plane. This structure is the same as that ob-
tained in previous numerical simulation works (e.g., Yuan et al.
2012b, 2015; Narayan et al. 2012; Sadowski et al. 2013).

We focus on how the wind properties change with changing
magnetic field strength. We find that when the magnetic pres-
sure is more than two orders of magnitude smaller than the gas
pressure (� > 100; weakly magnetized flow), wind is driven by
the combination of the gas pressure gradient and the centrifugal
forces. However, when the magnetic field is strong (� < 10),
wind is driven by the combination of the gas pressure gradi-
ent and the magnetic pressure gradient forces. We find that the
Bernoulli parameter does not change much with the change of
magnetic field strength. The Bernoulli parameter of wind from
both weakly and strongly magnetized accretion flow is about
Be ⇠ 0.16v2

K. We have also calculated the power carried by wind.
We find that the power of wind in strongly magnetized flows is
around 1.6 times that of wind in weakly magnetized flows.

The power of wind is in the range 10�4–10�3Ṁinc2. If wind
is generated close to the black hole, then Ṁin is roughly equal to
the accretion rate onto the black hole ṀBH. In numerical simula-
tions studying the evolution of galaxies (e.g., Ciotti et al. 2010;
Ostriker et al. 2010; Gaspari et al. 2012), it is found that AGN
wind can interact with the intercluster medium and heat the in-
tercluster medium. The heating by AGN wind is useful to pre-
vent rapid cooling of the gas (i.e., the cooling flow problem). In
order to be consistent with observations, the power of AGN wind
should be in the range PW ⇠ 10�4–10�3ṀBHc2. Thus, wind gen-
erated by hot accretion flow may play a role in solving the rapid
cooling problem of the intercluster medium when the AGN is in
hot accretion mode.
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Fig. 2. Force analysis at wind region to show driving mechanism of wind. The left and right panels are for models A and C, respectively. The
length of the arrows schematically denotes the magnitude of the forces. Fg: gravitational force; Fc: centrifugal force; Ftotal: the total force.

Fig. 3. Mass flux weighted Bernoulli parameter in units of v2
K. The

squares denote the results in models A, B, and C.

Fukue 1990)

Be =
1
2
v2 + h +  +
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4⇡⇢

� B�v�
4⇡
. (30)

Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
B2

r + B2
✓ . Figure 3 shows the mass-flux-weighted Bernoulli pa-

rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�

0�
⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
Z 90�

0�
⇢e max(vr, 0) sin ✓d✓. (33)

The Poynting energy flux is

PB(r) = 4⇡r2
Z 90�

0�
S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2

4⇡
� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
B2

r + B2
✓ . Figure 3 shows the mass-flux-weighted Bernoulli pa-

rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�

0�
⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
Z 90�
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⇢e max(vr, 0) sin ✓d✓. (33)

The Poynting energy flux is

PB(r) = 4⇡r2
Z 90�
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S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2

4⇡
� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
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rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�
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⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
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The Poynting energy flux is
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The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
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(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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Here, h = �p/(��1)⇢ is enthalpy, and  = ⇢vp/Bp with Bp =q
B2

r + B2
✓ . Figure 3 shows the mass-flux-weighted Bernoulli pa-

rameter. In all the models, the Bernoulli parameter is positive.
Therefore, wind can escape to infinity. The enthalpy dominates
other terms. The enthalpy in model C is just slightly bigger than
in models A and B. This is because the temperature (or sound
speed) in model C is just slightly higher than in models A and B
(see bottom-right panel of Fig. 1). Due to the smaller azimuthal
velocity in model C, the kinetic term in model C is smaller than
those in models A and B by a factor of approximately two. The
magnetic term in model C is slightly larger than those in models
A and B. However, the magnetic term is much smaller than other
terms. The Bernoulli parameter almost does not change with
the change of magnetic field strength. The mass-flux-weighted
Bernoulli parameter of the wind is evaluated as

Be(r) = 0.16 v2
K(r). (31)

The numerical simulation result of the SANE model obtained by
Yuan et al. (2012b) showed that Be(r)/v2

K(r) ⇡ (0.1�0.2). There-
fore, our present result is in good agreement with that obtained
by numerical simulations.

We also calculate the kinetic and thermal energy carried by
the wind as

Pk(r) = 2⇡r2
Z 90�

0�
⇢max(v3

r , 0) sin ✓d✓, (32)

Pth(r) = 4⇡r2
Z 90�

0�
⇢e max(vr, 0) sin ✓d✓. (33)

The Poynting energy flux is

PB(r) = 4⇡r2
Z 90�

0�
S r max(vr/|vr |, 0) sin ✓d✓. (34)

The radial component of Poynting flux S r is defined as
(Igumenshchev 2008)

S r = vr
B2

4⇡
� Br

4⇡
(v · B). (35)

In this paper, the total power of wind is calculated as

PW = Pk + Pth + PB. (36)

We assume that the Poynting flux is part of the energy flux of
wind. This is because it is believed that the Poynting flux will be
converted into the kinetic power of wind (Spruit 2010; Li & Cao
2010). Figure 4 plots power carried by the wind. We have calcu-
lated the mass flux of wind in models A, B, and C. We find that
in model C the mass flux of wind is just slightly increased by
a factor of 0.03 compared to that in model A. The density and
velocity of wind (see Fig. 1) do not change much from models
A–C. Therefore, the mass flux of wind in the three models does
not di↵er much. The thermal power in model C is slightly larger
than in models A and B. This is because the temperature and
wind mass flux in model C are larger than in models A and B.
The Poynting flux in model C is three times that in model A.
The reason is that the magnetic field in model C is much larger
than that in model A. Finally, the kinetic power also increases
by a factor of two from model A to model C. The total power in
model C is 1.6 times that in model A.
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ABSTRACT

Context. Observations indicate that wind can be generated in hot accretion flow. Wind generated from weakly magnetized accretion
flow has been studied. However, the properties of wind generated from strongly magnetized hot accretion flow have not been studied.
Aims. In this paper, we study the properties of wind generated from both weakly and strongly magnetized accretion flow. We focus
on how the magnetic field strength a↵ects the wind properties.
Methods. We solve steady-state two-dimensional magnetohydrodynamic equations of black hole accretion in the presence of a large-
scale magnetic field. We assume self-similarity in radial direction. The magnetic field is assumed to be evenly symmetric with the
equatorial plane.
Results. We find that wind exists in both weakly and strongly magnetized accretion flows. When the magnetic field is weak (magnetic
pressure is more than two orders of magnitude smaller than gas pressure), wind is driven by gas pressure gradient and centrifugal
forces. When the magnetic field is strong (magnetic pressure is slightly smaller than gas pressure), wind is driven by gas pressure
gradient and magnetic pressure gradient forces. The power of wind in the strongly magnetized case is just slightly larger than that in
the weakly magnetized case. The power of wind lies in a range PW ⇠ 10�4–10�3 Ṁinc2, with Ṁin and c being mass inflow rate and
speed of light, respectively. The possible role of wind in active galactic nuclei feedback is briefly discussed.

Key words. accretion, accretion disks

1. Introduction

Advection-dominated accretion flow (ADAF) can have either
a low or high accretion rate. When the accretion rate is much
larger than the Eddington rate, due to large optical depth,
the photons are trapped in the flow and advected to the
black hole. The high accretion rate ADAF is called slim disk
(Abramowicz et al. 1988). When the accretion rate is signifi-
cantly smaller than the Eddington rate, the flow density is very
low. In this case, the radiation is not important. The flow temper-
ature is close to the Virial temperature. The low accretion rate
ADAF is called hot accretion flow.

The hot accretion flow model has been popular since the
1990s (Narayan & Yi 1994, 1995; Abramowicz et al. 1995;
Kato et al. 1998; Narayan et al. 1998). In low-luminosity ac-
tive galactic nuclei (LLAGNs), the black hole is believed
to accrete matter in the hot accretion flow mode (e.g., Ho
2008; Antonucci 2012; Done 2014). In hard and quiescent
states of black hole X-ray binaries, the black hole also ac-
cretes matter in the hot accretion flow mode (e.g., Esin et al.
1997; Fender et al. 2004; Zdziarski & Gierliński 2004; Narayan
2005; Remillard & McClintock 2006; Narayan & McClintock
2008; Belloni 2010; Wu et al. 2013; Yuan & Narayan 2014).
In recent years, lots of numerical simulations have been per-
formed to study the properties of hot accretion flow (e.g.,
Stone et al. 1999; Igumenshchev & Abramowicz 1999, 2000;

Hawley et al. 2001; Machida et al. 2001; Stone & Pringle 2001;
Hawley & Balbus 2002; De Villiers el al. 2003; Pen et al. 2003;
Beckwith et al. 2008; Pang et al. 2011; Tchekhovskoy et al.
2011; Tchekhovskoy & McKinney 2012; Yuan et al. 2012a,b;
McKinney et al. 2012; Narayan et al. 2012; Li et al. 2013;
Sadowski et al. 2013; Mościbrodzka et al. 2014).

In recent years, there are observations of both LLAGNs
(e.g., Crenshaw & Kraemer 2012; Tombesi et al. 2010a, 2014;
Wang et al. 2013; Cheung et al. 2016) and the hard state of black
hole X-ray binaries (Homan et al. 2016). These observations in-
dicate that winds can be generated from hot accretion flow.
The origin of wind in weakly magnetized hot accretion flow
has been studied by numerical simulation (Yuan et al. 2015). In
Yuan et al. (2015), magnetic pressure was found to be smaller
than gas pressure by a factor of several tens. They found that
wind is driven by the combination of gas pressure gradient, mag-
netic pressure gradient, and centrifugal forces. The origin of
wind has also been studied by analytical works. In these works,
the e↵ects of magnetic field (Lorentz force) are neglected (e.g.,
Begelman 2012; Gu 2015).

It is very important to study wind properties for the fol-
lowing reasons. First, wind is an important ingredient of accre-
tion physics. If wind is present, the mass accretion rate can no
longer be a constant with radius. The change of the mass ac-
cretion rate profile changes the gas density profile. The change
of density profile can change the spectrum of a black hole
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 An  inflow-wind  solution  is  found  in  both  weakly  and  strongly  magnetized 
accretion flows.

 When the magnetic field is weak, wind is driven by gas pressure gradient and 
centrifugal  forces,  and when magnetic  field  is  strong,  wind is  driven by gas 
pressure gradient and magnetic pressure gradient forces. 

 The Bernoulli parameter of wind from both weakly and strongly magnetized 
accretion flow is about 

 We find that the power of wind in strongly magnetized flows is around 1.6 times 
that of wind in weakly magnetized flows. 

 The physical properties of wind are consistent with those obtained in numerical 
simulations.

Conclusion

Bu & Mosallanezhad: Wind from hot accretion flow

Fig. 4. Power carried by wind in units of Ṁinc2. The red and blue lines
correspond to thermal and kinetic powers carried by wind, respectively.
The green line shows Poynting flux. The black line shows the total
power

4. Summary and discussion

In this paper, we solve two-dimensional MHD equations of hot ac-
cretion flow incorporating an evenly symmetric magnetic field. In
order to simplify the equations, we assume radial self-similarity.
We find that wind is present at ✓ < 40�, while inflow is present
around the equatorial plane. This structure is the same as that ob-
tained in previous numerical simulation works (e.g., Yuan et al.
2012b, 2015; Narayan et al. 2012; Sadowski et al. 2013).

We focus on how the wind properties change with changing
magnetic field strength. We find that when the magnetic pres-
sure is more than two orders of magnitude smaller than the gas
pressure (� > 100; weakly magnetized flow), wind is driven by
the combination of the gas pressure gradient and the centrifugal
forces. However, when the magnetic field is strong (� < 10),
wind is driven by the combination of the gas pressure gradi-
ent and the magnetic pressure gradient forces. We find that the
Bernoulli parameter does not change much with the change of
magnetic field strength. The Bernoulli parameter of wind from
both weakly and strongly magnetized accretion flow is about
Be ⇠ 0.16v2

K. We have also calculated the power carried by wind.
We find that the power of wind in strongly magnetized flows is
around 1.6 times that of wind in weakly magnetized flows.

The power of wind is in the range 10�4–10�3Ṁinc2. If wind
is generated close to the black hole, then Ṁin is roughly equal to
the accretion rate onto the black hole ṀBH. In numerical simula-
tions studying the evolution of galaxies (e.g., Ciotti et al. 2010;
Ostriker et al. 2010; Gaspari et al. 2012), it is found that AGN
wind can interact with the intercluster medium and heat the in-
tercluster medium. The heating by AGN wind is useful to pre-
vent rapid cooling of the gas (i.e., the cooling flow problem). In
order to be consistent with observations, the power of AGN wind
should be in the range PW ⇠ 10�4–10�3ṀBHc2. Thus, wind gen-
erated by hot accretion flow may play a role in solving the rapid
cooling problem of the intercluster medium when the AGN is in
hot accretion mode.
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Topic 2: 
Radiation-Driven Outflow in AGNs



Radiation-Driven Wind in AGNs
(Numerical simulation at small scale: 0.01~10 pc) 

Kurosawa & Proga 2009

2 A. Mosallanezhad et al.

2.1 Basic Equations

We consider a supper-massive black hole (SMBH) located at the
origin of the polar coordinate system which is surrounded by an
accretion flow. To compute the evolution and structure of the ac-
cretion flow irradiated by strong radiation from AGN, we solve the
following set of equations,

d⇢

dt
+ ⇢r · v = 0, (1)

⇢
dv

dt
= �rp � ⇢r + ⇢Frad, (2)

⇢
d(e/⇢)

dt
= �pr · v + ⇢L, (3)

where ⇢, v, p, e, and  are the mass density, velocity, gas pressure,
internal energy density, and gravitational potential, respectively.
We employ the pseudo-Newtonian potential,  = �GM/(r � rs)
(PaczyÒsky & Wiita 1980), where M and G are the centre black hole
mass and the gravitational constant, respectively and rs ⌘ 2GM/c

2.
The Lagrangian/comoving derivative is given by d/dt ⌘ @/@t+v·r.
We adopt the adiabatic equation of state in the form of p = (��1)e,
where � is the adiabatic index and set to be � = 5/3. Here Frad is
the total radiation force per unit mass and, L in the energy equation,
Equation (3), shows the net cooling rate. Both radiation force and
net cooling rate will be described in more details in the following
section.

2.2 Model Setup

To solve equations (1)-(3), we use spherical polar coordinates
(r, ✓, �), where r is the distance from the origin of the coordinates,
✓ is the polar angle and also � is the azimuthal angle. We set the
two dimensional computational domain of rmin 6 r 6 rmax and
✏ 6 ✓ 6 ⇡/2, where ✏ is set to be a small value to avoid numeri-
cal singularity near polar axis. For all the runs presented here, we
set rmin = 500r⇤, and rmax = 2.5 ⇥ 105

r⇤, where r⇤ = 3rs is the
innermost stable circular orbit (ISCO) of a Schwarzschild BH. We
discretize the r � ✓ plane into zones as follows: Our standard nu-
merical resolution in r direction consists of 128 zones with the zone
size ratio dri+1/dri = 1.04 which ensures good resolution near the
inner boundary of our computational domain. In the ✓ direction the
resolution consists of 64 zones with d✓j+1/d✓j = 1.0 (i.e., equal
spaced grids).

As initial conditions, we adopt the uniform density and gas tem-
perature everywhere in the computational domain, i.e., ⇢(r, ✓) = ⇢0
and T(r, ✓) = T0. We set the initial radial and latitudinal components
of the velocity to be zero, (vr (r, ✓) = v✓ (r, ✓) = 0), and the angular
velocity of the gas is assigned to have the following specific angular
momentum distribution,

v�(r, ✓) =
(

0 for r < 105
r⇤

l/(r sin ✓) for r > 105
r⇤.

(4)

where, l is the latitude-dependent specific angular momentum given
as

l(✓) = l0(1 � |cos ✓ |), l0 =
p

GMBHrcir. (5)

Here, rcir is the “circularization radius” on the equatorial plane.
We set rcir = 300r⇤ throughout this paper which is far from inner
boundary of our domain. We consider the relatively small value

of rcir to prevent formation of a rotationally supported torus in our
computational domain and also to avoid the complexities associated
with it such as the instability.

The boundary conditions at both r and ✓ directions are set
as follows: We apply axis-of-symmetry at the rotation axis (i.e.,
✓ = 0) and reflecting boundary condition at the equatorial plane
(✓ = ⇡/2). We adopt the outflow boundary condition at the in-
nermost/outermost grid in radial direction (e.g., Stone & Norman
1992), where zero gradients cross the boundary are imposed on
physical quantities in order to avoid spurious reflection of wave
energy at the boundary. In the last zone in the radial direction, all
HD quantities except the radial component of the velocity, vr , are
set to the initial conditions at each time step, i.e., ⇢(rmax, ✓) = ⇢0,
T(rmax, ✓) = T0, v✓ (rmax, ✓) = 0 and v�(rmax, ✓) = l/(rmax sin ✓).
This outer boundary condition is employed only when the gas is
inflowing at r = rmax, i.e., when vr (rmax, ✓) < 0. The radial com-
ponent of the velocity is allowed to float when vr (rmax, ✓) > 0.
This approach is to mimic the situation where there is always gas
available for accretion and represents steady conditions at the outer
radial boundary.

3 RADIATIVE HEATING/COOLING AND RADIATION
FORCE

3.1 Modeling of central AGN

The nature of the accretion flow in a luminous AGN is still an
unsolved problem. Some authors assume standard thin disk to de-
scribe the accretion luminosity. However, a thin disk cannot alone
explain the origin of hard X-ray emission widely detected in AGNs.
In this study, we assume that the accretion flow is consists of two
components: (I) a spherical hot corona with radius r⇤. (II) a stan-
dard thin disk placed at the equator (Shakura & Sunyaev 1973).
We also assume that the innermost part of the disk is coincide with
r⇤ and the disk radius is much smaller than the inner radius of the
computational domain (i.e., rd � rmin).

We suppose that the corona is contributed to the radiation force
only due to electron scattering and responsible for ionizing the gas to
the high ionization state. On the other hand, the disk radiation force
is due to both electron scattering as well as line force. We further
assume that the disk only emits UV photons (i.e., Ld = LUV),
whereas the hot corona only emits X-ray, L⇤ = LX. Since, the
total luminosity includes both the disk luminosity and the corona
ones, we define the parameter f⇤ which is the ratio of the corona
luminosity to the total luminosity as L⇤ = f⇤Lacc. Consequently,
the disk luminosity is expressed by Ld = fdLacc where fd = 1 � f⇤
is the fraction of the total luminosity in the disk emission. We set
f⇤ = 0.05 throughout this paper.

Since the inner boundary of our computational domain is far
from the outer part of the disk, rd ⌧ rmin, for both corona and disk
radiation fluxes we can safely consider point-source approximation
as,

F⇤(r) =
L⇤

4⇡r2 =
f⇤Lacc
4⇡r2 , (6)

Fd(r, ✓) = 2 |cos ✓ | fdLacc
4⇡r2 . (7)

In equation (7), the leading term 2 comes from the normaliza-
tion of the flux. Also for the disk flux a ✓ dependency as “|cos ✓ |” has
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The Lagrangian/comoving derivative is given by d/dt ⌘ @/@t+v·r.
We adopt the adiabatic equation of state in the form of p = (��1)e,
where � is the adiabatic index and set to be � = 5/3. Here Frad is
the total radiation force per unit mass and, L in the energy equation,
Equation (3), shows the net cooling rate. Both radiation force and
net cooling rate will be described in more details in the following
section.

2.2 Model Setup

To solve equations (1)-(3), we use spherical polar coordinates
(r, ✓, �), where r is the distance from the origin of the coordinates,
✓ is the polar angle and also � is the azimuthal angle. We set the
two dimensional computational domain of rmin 6 r 6 rmax and
✏ 6 ✓ 6 ⇡/2, where ✏ is set to be a small value to avoid numeri-
cal singularity near polar axis. For all the runs presented here, we
set rmin = 500r⇤, and rmax = 2.5 ⇥ 105

r⇤, where r⇤ = 3rs is the
innermost stable circular orbit (ISCO) of a Schwarzschild BH. We
discretize the r � ✓ plane into zones as follows: Our standard nu-
merical resolution in r direction consists of 128 zones with the zone
size ratio dri+1/dri = 1.04 which ensures good resolution near the
inner boundary of our computational domain. In the ✓ direction the
resolution consists of 64 zones with d✓j+1/d✓j = 1.0 (i.e., equal
spaced grids).

As initial conditions, we adopt the uniform density and gas tem-
perature everywhere in the computational domain, i.e., ⇢(r, ✓) = ⇢0
and T(r, ✓) = T0. We set the initial radial and latitudinal components
of the velocity to be zero, (vr (r, ✓) = v✓ (r, ✓) = 0), and the angular
velocity of the gas is assigned to have the following specific angular
momentum distribution,
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where, l is the latitude-dependent specific angular momentum given
as

l(✓) = l0(1 � |cos ✓ |), l0 =
p

GMBHrcir. (5)

Here, rcir is the “circularization radius” on the equatorial plane.
We set rcir = 300r⇤ throughout this paper which is far from inner
boundary of our domain. We consider the relatively small value

of rcir to prevent formation of a rotationally supported torus in our
computational domain and also to avoid the complexities associated
with it such as the instability.

The boundary conditions at both r and ✓ directions are set
as follows: We apply axis-of-symmetry at the rotation axis (i.e.,
✓ = 0) and reflecting boundary condition at the equatorial plane
(✓ = ⇡/2). We adopt the outflow boundary condition at the in-
nermost/outermost grid in radial direction (e.g., Stone & Norman
1992), where zero gradients cross the boundary are imposed on
physical quantities in order to avoid spurious reflection of wave
energy at the boundary. In the last zone in the radial direction, all
HD quantities except the radial component of the velocity, vr , are
set to the initial conditions at each time step, i.e., ⇢(rmax, ✓) = ⇢0,
T(rmax, ✓) = T0, v✓ (rmax, ✓) = 0 and v�(rmax, ✓) = l/(rmax sin ✓).
This outer boundary condition is employed only when the gas is
inflowing at r = rmax, i.e., when vr (rmax, ✓) < 0. The radial com-
ponent of the velocity is allowed to float when vr (rmax, ✓) > 0.
This approach is to mimic the situation where there is always gas
available for accretion and represents steady conditions at the outer
radial boundary.

3 RADIATIVE HEATING/COOLING AND RADIATION
FORCE

3.1 Modeling of central AGN

The nature of the accretion flow in a luminous AGN is still an
unsolved problem. Some authors assume standard thin disk to de-
scribe the accretion luminosity. However, a thin disk cannot alone
explain the origin of hard X-ray emission widely detected in AGNs.
In this study, we assume that the accretion flow is consists of two
components: (I) a spherical hot corona with radius r⇤. (II) a stan-
dard thin disk placed at the equator (Shakura & Sunyaev 1973).
We also assume that the innermost part of the disk is coincide with
r⇤ and the disk radius is much smaller than the inner radius of the
computational domain (i.e., rd � rmin).

We suppose that the corona is contributed to the radiation force
only due to electron scattering and responsible for ionizing the gas to
the high ionization state. On the other hand, the disk radiation force
is due to both electron scattering as well as line force. We further
assume that the disk only emits UV photons (i.e., Ld = LUV),
whereas the hot corona only emits X-ray, L⇤ = LX. Since, the
total luminosity includes both the disk luminosity and the corona
ones, we define the parameter f⇤ which is the ratio of the corona
luminosity to the total luminosity as L⇤ = f⇤Lacc. Consequently,
the disk luminosity is expressed by Ld = fdLacc where fd = 1 � f⇤
is the fraction of the total luminosity in the disk emission. We set
f⇤ = 0.05 throughout this paper.

Since the inner boundary of our computational domain is far
from the outer part of the disk, rd ⌧ rmin, for both corona and disk
radiation fluxes we can safely consider point-source approximation
as,

F⇤(r) =
L⇤

4⇡r2 =
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4⇡r2 , (6)

Fd(r, ✓) = 2 |cos ✓ | fdLacc
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In equation (7), the leading term 2 comes from the normaliza-
tion of the flux. Also for the disk flux a ✓ dependency as “|cos ✓ |” has
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resolution consists of 64 zones with d✓j+1/d✓j = 1.0 (i.e., equal
spaced grids).

As initial conditions, we adopt the uniform density and gas tem-
perature everywhere in the computational domain, i.e., ⇢(r, ✓) = ⇢0
and T(r, ✓) = T0. We set the initial radial and latitudinal components
of the velocity to be zero, (vr (r, ✓) = v✓ (r, ✓) = 0), and the angular
velocity of the gas is assigned to have the following specific angular
momentum distribution,

v�(r, ✓) =
(

0 for r < 105
r⇤

l/(r sin ✓) for r > 105
r⇤.

(4)

where, l is the latitude-dependent specific angular momentum given
as

l(✓) = l0(1 � |cos ✓ |), l0 =
p

GMBHrcir. (5)

Here, rcir is the “circularization radius” on the equatorial plane.
We set rcir = 300r⇤ throughout this paper which is far from inner
boundary of our domain. We consider the relatively small value

of rcir to prevent formation of a rotationally supported torus in our
computational domain and also to avoid the complexities associated
with it such as the instability.

The boundary conditions at both r and ✓ directions are set
as follows: We apply axis-of-symmetry at the rotation axis (i.e.,
✓ = 0) and reflecting boundary condition at the equatorial plane
(✓ = ⇡/2). We adopt the outflow boundary condition at the in-
nermost/outermost grid in radial direction (e.g., Stone & Norman
1992), where zero gradients cross the boundary are imposed on
physical quantities in order to avoid spurious reflection of wave
energy at the boundary. In the last zone in the radial direction, all
HD quantities except the radial component of the velocity, vr , are
set to the initial conditions at each time step, i.e., ⇢(rmax, ✓) = ⇢0,
T(rmax, ✓) = T0, v✓ (rmax, ✓) = 0 and v�(rmax, ✓) = l/(rmax sin ✓).
This outer boundary condition is employed only when the gas is
inflowing at r = rmax, i.e., when vr (rmax, ✓) < 0. The radial com-
ponent of the velocity is allowed to float when vr (rmax, ✓) > 0.
This approach is to mimic the situation where there is always gas
available for accretion and represents steady conditions at the outer
radial boundary.

3 RADIATIVE HEATING/COOLING AND RADIATION
FORCE

3.1 Modeling of central AGN

The nature of the accretion flow in a luminous AGN is still an
unsolved problem. Some authors assume standard thin disk to de-
scribe the accretion luminosity. However, a thin disk cannot alone
explain the origin of hard X-ray emission widely detected in AGNs.
In this study, we assume that the accretion flow is consists of two
components: (I) a spherical hot corona with radius r⇤. (II) a stan-
dard thin disk placed at the equator (Shakura & Sunyaev 1973).
We also assume that the innermost part of the disk is coincide with
r⇤ and the disk radius is much smaller than the inner radius of the
computational domain (i.e., rd � rmin).

We suppose that the corona is contributed to the radiation force
only due to electron scattering and responsible for ionizing the gas to
the high ionization state. On the other hand, the disk radiation force
is due to both electron scattering as well as line force. We further
assume that the disk only emits UV photons (i.e., Ld = LUV),
whereas the hot corona only emits X-ray, L⇤ = LX. Since, the
total luminosity includes both the disk luminosity and the corona
ones, we define the parameter f⇤ which is the ratio of the corona
luminosity to the total luminosity as L⇤ = f⇤Lacc. Consequently,
the disk luminosity is expressed by Ld = fdLacc where fd = 1 � f⇤
is the fraction of the total luminosity in the disk emission. We set
f⇤ = 0.05 throughout this paper.

Since the inner boundary of our computational domain is far
from the outer part of the disk, rd ⌧ rmin, for both corona and disk
radiation fluxes we can safely consider point-source approximation
as,

F⇤(r) =
L⇤

4⇡r2 =
f⇤Lacc
4⇡r2 , (6)

Fd(r, ✓) = 2 |cos ✓ | fdLacc
4⇡r2 . (7)

In equation (7), the leading term 2 comes from the normaliza-
tion of the flux. Also for the disk flux a ✓ dependency as “|cos ✓ |” has
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2.1 Basic Equations

We consider a supper-massive black hole (SMBH) located at the
origin of the polar coordinate system which is surrounded by an
accretion flow. To compute the evolution and structure of the ac-
cretion flow irradiated by strong radiation from AGN, we solve the
following set of equations,

d⇢

dt
+ ⇢r · v = 0, (1)

⇢
dv

dt
= �rp � ⇢r + ⇢Frad, (2)

⇢
d(e/⇢)

dt
= �pr · v + ⇢L, (3)

where ⇢, v, p, e, and  are the mass density, velocity, gas pressure,
internal energy density, and gravitational potential, respectively.
We employ the pseudo-Newtonian potential,  = �GM/(r � rs)
(PaczyÒsky & Wiita 1980), where M and G are the centre black hole
mass and the gravitational constant, respectively and rs ⌘ 2GM/c

2.
The Lagrangian/comoving derivative is given by d/dt ⌘ @/@t+v·r.
We adopt the adiabatic equation of state in the form of p = (��1)e,
where � is the adiabatic index and set to be � = 5/3. Here Frad is
the total radiation force per unit mass and, L in the energy equation,
Equation (3), shows the net cooling rate. Both radiation force and
net cooling rate will be described in more details in the following
section.

2.2 Model Setup

To solve equations (1)-(3), we use spherical polar coordinates
(r, ✓, �), where r is the distance from the origin of the coordinates,
✓ is the polar angle and also � is the azimuthal angle. We set the
two dimensional computational domain of rmin 6 r 6 rmax and
✏ 6 ✓ 6 ⇡/2, where ✏ is set to be a small value to avoid numeri-
cal singularity near polar axis. For all the runs presented here, we
set rmin = 500r⇤, and rmax = 2.5 ⇥ 105

r⇤, where r⇤ = 3rs is the
innermost stable circular orbit (ISCO) of a Schwarzschild BH. We
discretize the r � ✓ plane into zones as follows: Our standard nu-
merical resolution in r direction consists of 128 zones with the zone
size ratio dri+1/dri = 1.04 which ensures good resolution near the
inner boundary of our computational domain. In the ✓ direction the
resolution consists of 64 zones with d✓j+1/d✓j = 1.0 (i.e., equal
spaced grids).

As initial conditions, we adopt the uniform density and gas tem-
perature everywhere in the computational domain, i.e., ⇢(r, ✓) = ⇢0
and T(r, ✓) = T0. We set the initial radial and latitudinal components
of the velocity to be zero, (vr (r, ✓) = v✓ (r, ✓) = 0), and the angular
velocity of the gas is assigned to have the following specific angular
momentum distribution,

v�(r, ✓) =
(

0 for r < 105
r⇤

l/(r sin ✓) for r > 105
r⇤.

(4)

where, l is the latitude-dependent specific angular momentum given
as

l(✓) = l0(1 � |cos ✓ |), l0 =
p

GMBHrcir. (5)

Here, rcir is the “circularization radius” on the equatorial plane.
We set rcir = 300r⇤ throughout this paper which is far from inner
boundary of our domain. We consider the relatively small value

of rcir to prevent formation of a rotationally supported torus in our
computational domain and also to avoid the complexities associated
with it such as the instability.

The boundary conditions at both r and ✓ directions are set
as follows: We apply axis-of-symmetry at the rotation axis (i.e.,
✓ = 0) and reflecting boundary condition at the equatorial plane
(✓ = ⇡/2). We adopt the outflow boundary condition at the in-
nermost/outermost grid in radial direction (e.g., Stone & Norman
1992), where zero gradients cross the boundary are imposed on
physical quantities in order to avoid spurious reflection of wave
energy at the boundary. In the last zone in the radial direction, all
HD quantities except the radial component of the velocity, vr , are
set to the initial conditions at each time step, i.e., ⇢(rmax, ✓) = ⇢0,
T(rmax, ✓) = T0, v✓ (rmax, ✓) = 0 and v�(rmax, ✓) = l/(rmax sin ✓).
This outer boundary condition is employed only when the gas is
inflowing at r = rmax, i.e., when vr (rmax, ✓) < 0. The radial com-
ponent of the velocity is allowed to float when vr (rmax, ✓) > 0.
This approach is to mimic the situation where there is always gas
available for accretion and represents steady conditions at the outer
radial boundary.

3 RADIATIVE HEATING/COOLING AND RADIATION
FORCE

3.1 Modeling of central AGN

The nature of the accretion flow in a luminous AGN is still an
unsolved problem. Some authors assume standard thin disk to de-
scribe the accretion luminosity. However, a thin disk cannot alone
explain the origin of hard X-ray emission widely detected in AGNs.
In this study, we assume that the accretion flow is consists of two
components: (I) a spherical hot corona with radius r⇤. (II) a stan-
dard thin disk placed at the equator (Shakura & Sunyaev 1973).
We also assume that the innermost part of the disk is coincide with
r⇤ and the disk radius is much smaller than the inner radius of the
computational domain (i.e., rd ⌧ rmin).

We suppose that the corona is contributed to the radiation force
only due to electron scattering and responsible for ionizing the gas to
the high ionization state. On the other hand, the disk radiation force
is due to both electron scattering as well as line force. We further
assume that the disk only emits UV photons (i.e., Ld = LUV),
whereas the hot corona only emits X-ray, L⇤ = LX. Since, the
total luminosity includes both the disk luminosity and the corona
ones, we define the parameter f⇤ which is the ratio of the corona
luminosity to the total luminosity as L⇤ = f⇤Lacc. Consequently,
the disk luminosity is expressed by Ld = fdLacc where fd = 1 � f⇤
is the fraction of the total luminosity in the disk emission. We set
f⇤ = 0.05 throughout this paper.

Since the inner boundary of our computational domain is far
from the outer part of the disk, rd ⌧ rmin, for both corona and disk
radiation fluxes we can safely consider point-source approximation
as,

F⇤(r) =
L⇤

4⇡r2 =
f⇤Lacc
4⇡r2 , (6)

Fd(r, ✓) = 2 |cos ✓ | fdLacc
4⇡r2 . (7)

In equation (7), the leading term 2 comes from the normaliza-
tion of the flux. Also for the disk flux a ✓ dependency as “|cos ✓ |” has
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2.1 Basic Equations

We consider a supper-massive black hole (SMBH) located at the
origin of the polar coordinate system which is surrounded by an
accretion flow. To compute the evolution and structure of the ac-
cretion flow irradiated by strong radiation from AGN, we solve the
following set of equations,
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+ ⇢r · v = 0, (1)
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dv
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= �rp � ⇢r + ⇢Frad, (2)

⇢
d(e/⇢)

dt
= �pr · v + ⇢L, (3)

where ⇢, v, p, e, and  are the mass density, velocity, gas pressure,
internal energy density, and gravitational potential, respectively.
We employ the pseudo-Newtonian potential,  = �GM/(r � rs)
(PaczyÒsky & Wiita 1980), where M and G are the centre black hole
mass and the gravitational constant, respectively and rs ⌘ 2GM/c

2.
The Lagrangian/comoving derivative is given by d/dt ⌘ @/@t+v·r.
We adopt the adiabatic equation of state in the form of p = (��1)e,
where � is the adiabatic index and set to be � = 5/3. Here Frad is
the total radiation force per unit mass and, L in the energy equation,
Equation (3), shows the net cooling rate. Both radiation force and
net cooling rate will be described in more details in the following
section.

2.2 Model Setup

To solve equations (1)-(3), we use spherical polar coordinates
(r, ✓, �), where r is the distance from the origin of the coordinates,
✓ is the polar angle and also � is the azimuthal angle. We set the
two dimensional computational domain of rmin 6 r 6 rmax and
✏ 6 ✓ 6 ⇡/2, where ✏ is set to be a small value to avoid numeri-
cal singularity near polar axis. For all the runs presented here, we
set rmin = 500r⇤, and rmax = 2.5 ⇥ 105

r⇤, where r⇤ = 3rs is the
innermost stable circular orbit (ISCO) of a Schwarzschild BH. We
discretize the r � ✓ plane into zones as follows: Our standard nu-
merical resolution in r direction consists of 128 zones with the zone
size ratio dri+1/dri = 1.04 which ensures good resolution near the
inner boundary of our computational domain. In the ✓ direction the
resolution consists of 64 zones with d✓j+1/d✓j = 1.0 (i.e., equal
spaced grids).

As initial conditions, we adopt the uniform density and gas tem-
perature everywhere in the computational domain, i.e., ⇢(r, ✓) = ⇢0
and T(r, ✓) = T0. We set the initial radial and latitudinal components
of the velocity to be zero, (vr (r, ✓) = v✓ (r, ✓) = 0), and the angular
velocity of the gas is assigned to have the following specific angular
momentum distribution,

v�(r, ✓) =
(

0 for r < 105
r⇤

l/(r sin ✓) for r > 105
r⇤.

(4)

where, l is the latitude-dependent specific angular momentum given
as

l(✓) = l0(1 � |cos ✓ |), l0 =
p

GMBHrcir. (5)

Here, rcir is the “circularization radius” on the equatorial plane.
We set rcir = 300r⇤ throughout this paper which is far from inner
boundary of our domain. We consider the relatively small value

of rcir to prevent formation of a rotationally supported torus in our
computational domain and also to avoid the complexities associated
with it such as the instability.

The boundary conditions at both r and ✓ directions are set
as follows: We apply axis-of-symmetry at the rotation axis (i.e.,
✓ = 0) and reflecting boundary condition at the equatorial plane
(✓ = ⇡/2). We adopt the outflow boundary condition at the in-
nermost/outermost grid in radial direction (e.g., Stone & Norman
1992), where zero gradients cross the boundary are imposed on
physical quantities in order to avoid spurious reflection of wave
energy at the boundary. In the last zone in the radial direction, all
HD quantities except the radial component of the velocity, vr , are
set to the initial conditions at each time step, i.e., ⇢(rmax, ✓) = ⇢0,
T(rmax, ✓) = T0, v✓ (rmax, ✓) = 0 and v�(rmax, ✓) = l/(rmax sin ✓).
This outer boundary condition is employed only when the gas is
inflowing at r = rmax, i.e., when vr (rmax, ✓) < 0. The radial com-
ponent of the velocity is allowed to float when vr (rmax, ✓) > 0.
This approach is to mimic the situation where there is always gas
available for accretion and represents steady conditions at the outer
radial boundary.

3 RADIATIVE HEATING/COOLING AND RADIATION
FORCE

3.1 Modeling of central AGN

The nature of the accretion flow in a luminous AGN is still an
unsolved problem. Some authors assume standard thin disk to de-
scribe the accretion luminosity. However, a thin disk cannot alone
explain the origin of hard X-ray emission widely detected in AGNs.
In this study, we assume that the accretion flow is consists of two
components: (I) a spherical hot corona with radius r⇤. (II) a stan-
dard thin disk placed at the equator (Shakura & Sunyaev 1973).
We also assume that the innermost part of the disk is coincide with
r⇤ and the disk radius is much smaller than the inner radius of the
computational domain (i.e., rd ⌧ rmin).

We suppose that the corona is contributed to the radiation force
only due to electron scattering and responsible for ionizing the gas to
the high ionization state. On the other hand, the disk radiation force
is due to both electron scattering as well as line force. We further
assume that the disk only emits UV photons (i.e., Ld = LUV),
whereas the hot corona only emits X-ray, L⇤ = LX. Since, the
total luminosity includes both the disk luminosity and the corona
ones, we define the parameter f⇤ which is the ratio of the corona
luminosity to the total luminosity as L⇤ = f⇤Lacc. Consequently,
the disk luminosity is expressed by Ld = fdLacc where fd = 1 � f⇤
is the fraction of the total luminosity in the disk emission. We set
f⇤ = 0.05 throughout this paper.

Since the inner boundary of our computational domain is far
from the outer part of the disk, rd ⌧ rmin, for both corona and disk
radiation fluxes we can safely consider point-source approximation
as,

F⇤(r) =
L⇤

4⇡r2 =
f⇤Lacc
4⇡r2 , (6)

Fd(r, ✓) = 2 |cos ✓ | fdLacc
4⇡r2 . (7)

In equation (7), the leading term 2 comes from the normaliza-
tion of the flux. Also for the disk flux a ✓ dependency as “|cos ✓ |” has
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2.1 Basic Equations

We consider a supper-massive black hole (SMBH) located at the
origin of the polar coordinate system which is surrounded by an
accretion flow. To compute the evolution and structure of the ac-
cretion flow irradiated by strong radiation from AGN, we solve the
following set of equations,
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= �rp � ⇢r + ⇢Frad, (2)

⇢
d(e/⇢)
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= �pr · v + ⇢L, (3)

where ⇢, v, p, e, and  are the mass density, velocity, gas pressure,
internal energy density, and gravitational potential, respectively.
We employ the pseudo-Newtonian potential,  = �GM/(r � rs)
(PaczyÒsky & Wiita 1980), where M and G are the centre black hole
mass and the gravitational constant, respectively and rs ⌘ 2GM/c

2.
The Lagrangian/comoving derivative is given by d/dt ⌘ @/@t+v·r.
We adopt the adiabatic equation of state in the form of p = (��1)e,
where � is the adiabatic index and set to be � = 5/3. Here Frad is
the total radiation force per unit mass and, L in the energy equation,
Equation (3), shows the net cooling rate. Both radiation force and
net cooling rate will be described in more details in the following
section.

2.2 Model Setup

To solve equations (1)-(3), we use spherical polar coordinates
(r, ✓, �), where r is the distance from the origin of the coordinates,
✓ is the polar angle and also � is the azimuthal angle. We set the
two dimensional computational domain of rmin 6 r 6 rmax and
✏ 6 ✓ 6 ⇡/2, where ✏ is set to be a small value to avoid numeri-
cal singularity near polar axis. For all the runs presented here, we
set rmin = 500r⇤, and rmax = 2.5 ⇥ 105

r⇤, where r⇤ = 3rs is the
innermost stable circular orbit (ISCO) of a Schwarzschild BH. We
discretize the r � ✓ plane into zones as follows: Our standard nu-
merical resolution in r direction consists of 128 zones with the zone
size ratio dri+1/dri = 1.04 which ensures good resolution near the
inner boundary of our computational domain. In the ✓ direction the
resolution consists of 64 zones with d✓j+1/d✓j = 1.0 (i.e., equal
spaced grids).

As initial conditions, we adopt the uniform density and gas tem-
perature everywhere in the computational domain, i.e., ⇢(r, ✓) = ⇢0
and T(r, ✓) = T0. We set the initial radial and latitudinal components
of the velocity to be zero, (vr (r, ✓) = v✓ (r, ✓) = 0), and the angular
velocity of the gas is assigned to have the following specific angular
momentum distribution,

v�(r, ✓) =
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0 for r < 105
r⇤

l/(r sin ✓) for r > 105
r⇤.

(4)

where, l is the latitude-dependent specific angular momentum given
as

l(✓) = l0(1 � |cos ✓ |), l0 =
p

GMBHrcir. (5)

Here, rcir is the “circularization radius” on the equatorial plane.
We set rcir = 300r⇤ throughout this paper which is far from inner
boundary of our domain. We consider the relatively small value

of rcir to prevent formation of a rotationally supported torus in our
computational domain and also to avoid the complexities associated
with it such as the instability.

The boundary conditions at both r and ✓ directions are set
as follows: We apply axis-of-symmetry at the rotation axis (i.e.,
✓ = 0) and reflecting boundary condition at the equatorial plane
(✓ = ⇡/2). We adopt the outflow boundary condition at the in-
nermost/outermost grid in radial direction (e.g., Stone & Norman
1992), where zero gradients cross the boundary are imposed on
physical quantities in order to avoid spurious reflection of wave
energy at the boundary. In the last zone in the radial direction, all
HD quantities except the radial component of the velocity, vr , are
set to the initial conditions at each time step, i.e., ⇢(rmax, ✓) = ⇢0,
T(rmax, ✓) = T0, v✓ (rmax, ✓) = 0 and v�(rmax, ✓) = l/(rmax sin ✓).
This outer boundary condition is employed only when the gas is
inflowing at r = rmax, i.e., when vr (rmax, ✓) < 0. The radial com-
ponent of the velocity is allowed to float when vr (rmax, ✓) > 0.
This approach is to mimic the situation where there is always gas
available for accretion and represents steady conditions at the outer
radial boundary.

3 RADIATIVE HEATING/COOLING AND RADIATION
FORCE

3.1 Modeling of central AGN

The nature of the accretion flow in a luminous AGN is still an
unsolved problem. Some authors assume standard thin disk to de-
scribe the accretion luminosity. However, a thin disk cannot alone
explain the origin of hard X-ray emission widely detected in AGNs.
In this study, we assume that the accretion flow is consists of two
components: (I) a spherical hot corona with radius r⇤. (II) a stan-
dard thin disk placed at the equator (Shakura & Sunyaev 1973).
We also assume that the innermost part of the disk is coincide with
r⇤ and the disk radius is much smaller than the inner radius of the
computational domain (i.e., rd ⌧ rmin).

We suppose that the corona is contributed to the radiation force
only due to electron scattering and responsible for ionizing the gas to
the high ionization state. On the other hand, the disk radiation force
is due to both electron scattering as well as line force. We further
assume that the disk only emits UV photons (i.e., Ld = LUV),
whereas the hot corona only emits X-ray, L⇤ = LX. Since, the
total luminosity includes both the disk luminosity and the corona
ones, we define the parameter f⇤ which is the ratio of the corona
luminosity to the total luminosity as L⇤ = f⇤Lacc. Consequently,
the disk luminosity is expressed by Ld = fdLacc where fd = 1 � f⇤
is the fraction of the total luminosity in the disk emission. We set
f⇤ = 0.05 throughout this paper.

Since the inner boundary of our computational domain is far
from the outer part of the disk, rd ⌧ rmin, for both corona and disk
radiation fluxes we can safely consider point-source approximation
as,

F⇤(r) =
L⇤

4⇡r2 =
f⇤Lacc
4⇡r2 , (6)

Fd(r, ✓) = 2 |cos ✓ | fdLacc
4⇡r2 . (7)

In equation (7), the leading term 2 comes from the normaliza-
tion of the flux. Also for the disk flux a ✓ dependency as “|cos ✓ |” has
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We consider a supper-massive black hole (SMBH) located at the
origin of the polar coordinate system which is surrounded by an
accretion flow. To compute the evolution and structure of the ac-
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where ⇢, v, p, e, and  are the mass density, velocity, gas pressure,
internal energy density, and gravitational potential, respectively.
We employ the pseudo-Newtonian potential,  = �GM/(r � rs)
(PaczyÒsky & Wiita 1980), where M and G are the centre black hole
mass and the gravitational constant, respectively and rs ⌘ 2GM/c
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The Lagrangian/comoving derivative is given by d/dt ⌘ @/@t+v·r.
We adopt the adiabatic equation of state in the form of p = (��1)e,
where � is the adiabatic index and set to be � = 5/3. Here Frad is
the total radiation force per unit mass and, L in the energy equation,
Equation (3), shows the net cooling rate. Both radiation force and
net cooling rate will be described in more details in the following
section.

2.2 Model Setup

To solve equations (1)-(3), we use spherical polar coordinates
(r, ✓, �), where r is the distance from the origin of the coordinates,
✓ is the polar angle and also � is the azimuthal angle. We set the
two dimensional computational domain of rmin 6 r 6 rmax and
✏ 6 ✓ 6 ⇡/2, where ✏ is set to be a small value to avoid numeri-
cal singularity near polar axis. For all the runs presented here, we
set rmin = 500r⇤, and rmax = 2.5 ⇥ 105

r⇤, where r⇤ = 3rs is the
innermost stable circular orbit (ISCO) of a Schwarzschild BH. We
discretize the r � ✓ plane into zones as follows: Our standard nu-
merical resolution in r direction consists of 128 zones with the zone
size ratio dri+1/dri = 1.04 which ensures good resolution near the
inner boundary of our computational domain. In the ✓ direction the
resolution consists of 64 zones with d✓j+1/d✓j = 1.0 (i.e., equal
spaced grids).

As initial conditions, we adopt the uniform density and gas tem-
perature everywhere in the computational domain, i.e., ⇢(r, ✓) = ⇢0
and T(r, ✓) = T0. We set the initial radial and latitudinal components
of the velocity to be zero, (vr (r, ✓) = v✓ (r, ✓) = 0), and the angular
velocity of the gas is assigned to have the following specific angular
momentum distribution,
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Here, rcir is the “circularization radius” on the equatorial plane.
We set rcir = 300r⇤ throughout this paper which is far from inner
boundary of our domain. We consider the relatively small value

of rcir to prevent formation of a rotationally supported torus in our
computational domain and also to avoid the complexities associated
with it such as the instability.

The boundary conditions at both r and ✓ directions are set
as follows: We apply axis-of-symmetry at the rotation axis (i.e.,
✓ = 0) and reflecting boundary condition at the equatorial plane
(✓ = ⇡/2). We adopt the outflow boundary condition at the in-
nermost/outermost grid in radial direction (e.g., Stone & Norman
1992), where zero gradients cross the boundary are imposed on
physical quantities in order to avoid spurious reflection of wave
energy at the boundary. In the last zone in the radial direction, all
HD quantities except the radial component of the velocity, vr , are
set to the initial conditions at each time step, i.e., ⇢(rmax, ✓) = ⇢0,
T(rmax, ✓) = T0, v✓ (rmax, ✓) = 0 and v�(rmax, ✓) = l/(rmax sin ✓).
This outer boundary condition is employed only when the gas is
inflowing at r = rmax, i.e., when vr (rmax, ✓) < 0. The radial com-
ponent of the velocity is allowed to float when vr (rmax, ✓) > 0.
This approach is to mimic the situation where there is always gas
available for accretion and represents steady conditions at the outer
radial boundary.

3 RADIATIVE HEATING/COOLING AND RADIATION
FORCE

3.1 Modeling of central AGN

The nature of the accretion flow in a luminous AGN is still an
unsolved problem. Some authors assume standard thin disk to de-
scribe the accretion luminosity. However, a thin disk cannot alone
explain the origin of hard X-ray emission widely detected in AGNs.
In this study, we assume that the accretion flow is consists of two
components: (I) a spherical hot corona with radius r⇤. (II) a stan-
dard thin disk placed at the equator (Shakura & Sunyaev 1973).
We also assume that the innermost part of the disk is coincide with
r⇤ and the disk radius is much smaller than the inner radius of the
computational domain (i.e., rd ⌧ rmin).

We suppose that the corona is contributed to the radiation force
only due to electron scattering and responsible for ionizing the gas to
the high ionization state. On the other hand, the disk radiation force
is due to both electron scattering as well as line force. We further
assume that the disk only emits UV photons (i.e., Ld = LUV),
whereas the hot corona only emits X-ray, L⇤ = LX. Since, the
total luminosity includes both the disk luminosity and the corona
ones, we define the parameter f⇤ which is the ratio of the corona
luminosity to the total luminosity as L⇤ = f⇤Lacc. Consequently,
the disk luminosity is expressed by Ld = fdLacc where fd = 1 � f⇤
is the fraction of the total luminosity in the disk emission. We set
f⇤ = 0.05 throughout this paper.

Since the inner boundary of our computational domain is far
from the outer part of the disk, rd ⌧ rmin, for both corona and disk
radiation fluxes we can safely consider point-source approximation
as,

F⇤(r) =
L⇤

4⇡r2 =
f⇤Lacc
4⇡r2 , (6)

Fd(r, ✓) = 2 |cos ✓ | fdLacc
4⇡r2 . (7)

In equation (7), the leading term 2 comes from the normaliza-
tion of the flux. Also for the disk flux a ✓ dependency as “|cos ✓ |” has
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HD Equations

The  central  radiation  contributes  to  the  radiation  force  due  to  electron 

scattering,  and the disk radiation contributes to the radiation force due to 

both electron scattering and line force:

2 A. Mosallanezhad et al.
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dt
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⇢
dv
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d(e/⇢)

dt
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2.
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v�(r, ✓) =
(

0 for r < 105
r⇤

l/(r sin ✓) for r > 105
r⇤.

(4)
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p

GMBHrcir. (5)
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Radiation Heating & Cooling
(Blondin 1994; Proga 2000)

The net cooling rate in the energy equation,

Compton heating/cooling, 

X-ray photoionization heating and recombination cooling, 

Cooling via line emission, 

Bremsstrahlung cooling, 
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Reprocessed Photons

Since the inner boundary of our computational domain is far from the outer part of the
disk, rD ⌧ ri, for both corona and disk radiation fluxes we can safely consider point-source
approximation as

F⇤(r) =
L⇤

4pr2 =
f⇤Lacc

4pr2 , (4.8)

FD(r,q) = 2 |cosq | fDLacc

4pr2 . (4.9)

In equation (4.9), the leading term 2 comes from the normalization of the flux. Also for
the disk flux a q dependency as “ |cosq | ” has been considered. Note that this assumption is
potentially a strong assumption here because if we include re-radiation force, it suppresses
the radiation force close to the disk equatorial plane.

4.3.3 Radiative Cooling/Heating

The net cooling rate in the energy equation consists of four heating/cooling terms including
Compton heating/cooling, (GComp), X-ray photoionization heating and recombination cool-
ing, (GX), cooling via line emission (Lline) and bremsstrahlung cooling, (Lbrem). To evaluate
the net cooling rate of the gas we use the parameterized rates formula described by Blondin
(1994) as (see also Proga et al. (2000) for more details)

rL = n2 �
GComp +GX �Lline �Lbrem

�
, (4.10)

where
GComp = 8.9⇥10�36x (TX �4T ) , (4.11)

GX = 1.5⇥10�21x 1/4T �1/2 (1�T/TX) , (4.12)

Lline =
h
1.7⇥10�18 exp(Tl/T )x �1T �1/2 +10�24

i
d , (4.13)

Lbrem = 3.3⇥10�27T 1/2. (4.14)

In the above equations, TX = 8 ⇥ 107 K is the ‘characteristic temperature’ of the X-ray
radiation (Sazonov et al. (2004)) and Tl parameterizes the line cooling temperature (Tl =

1.3⇥105 K). Noting here that the parameter d in the line cooling rate is defined to control
line cooling (d < 1 shows optically thick cooling and d = 1 represents optically thin cooling).
We set d = 1 throughout this study. In general, the line cooling dominates over the other
cooling processes. According to the Blondin formula, the net cooling rate depends on the
gas temperature, T , density and the photoionization parameter, x .
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Disk-wind structure
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Figure 4. A transition to a disc-wind-like solution in the low-temperature models (T o = 2 × 106 K). The density (in logarithmic scale) over-plotted with the
directions of poloidal velocity as arrows (left column) for Models 5 (top), 8 (middle) and 9 (bottom) are shown. The figures are placed in order of increasing
density at r = ro(ρo), from the top to bottom (cf. Table 1). The corresponding temperature maps (in logarithmic scale) of each model are placed in the right
column. The colour tables for the density and temperature maps are labelled with the logarithmic values in g cm−3 and K, respectively. The top density plot
shows the high-density gas streams falling towards the centre in the wide range of polar angles (θ ! 50◦), and the outflow is formed only in the mid polar
angles 30◦ " θ " 50◦. The middle density plot shows the infalling dense gas forming a relatively thick disc-like structure, and the outflow occurs in larger
and wider polar angles (45◦ " θ " 80◦) which resembles a disc wind (e.g. Proga et al. 1998). The high-density gas near r = ro at lower polar angles (θ "
45◦) prevents the gas from forming outflows in the polar direction. The bottom density plot shows that the accretion region is now squeezed to a much thinner
equatorial disc, and a very wide outflows (45◦ " θ " 85◦) or a disc wind is formed.

C⃝ 2009 The Authors. Journal compilation C⃝ 2009 RAS, MNRAS 397, 1791–1803

Kurowasa & Proga 2009



The Radiation Force: Effects of Scattered and 
Reprocessed Photons  

If  the  gas  is  moderately  ionized,  absorption  processes  such  as 
photoionization should also be contributed to the radiation force. 

Radiation-driven outflow in AGNs 3

been considered. This assumption is potentially a strong assump-
tion here because if we include re-radiation force, it suppresses the
radiation force close to the disk equatorial plane.

3.2 Mass accretion rate and accretion luminosity

At each time step, the accretion luminosity will be updated self-
consistently based on the average mass accretion rate, Ma(t), at
the inner boundary of our computational domain, rmin. The time
dependence accretion luminosity is defined as

Lacc(t) = ⌘Ma(t)c2, (8)

where ⌘ is the radiative e�ciency and set to be ⌘ = 1/12 in this
paper. Following KP09 and Liu et al. 2013, the time average mass
accretion rate can be expressed as

€Ma(t) =
Ø t�⌧
t�⌧��t

€M(t 0)dt
0

Ø t�⌧
t�⌧��t dt 0

, (9)

where ⌧ denotes a lag time between the change of mass accretion
rate and the change of the accretion luminosity from the central
engine. Since the standard thin disk model is considered here, the
lag time can be approximated by accretion time scale as tacc ⇡
rd/vr = rd/(↵csH/rd). Here, cs is the isothermal sound speed, H is
the half thickness of the disk and ↵ is the viscosity parameter. By
the above approximation, the lag time will be ⌧ ⇡ 109. 1 . By setting
�t = ⌧ the denominator of the equation (9) becomes ⌧.

3.3 Radiative cooling/heating

The net cooling rate in the energy equation consists of four heat-
ing/cooling terms including Compton heating/cooling, (GComp), X-
ray photoionization heating and recombination cooling, (GX), cool-
ing via line emission (Lline) and bremsstrahlung cooling, (Lbrem).
To evaluate the net cooling rate of the gas we use the parameterized
rates formula described by Blondin 1994 as (see also Proga 2000
for more details)

⇢L = n
2
⇣
GComp + GX � Lline � Lbrem

⌘
, (10)

where

GComp = 8.9 ⇥ 10�36⇠ (TX � 4T) , (11)

GX = 1.5 ⇥ 10�21⇠1/4T
�1/2 (1 � T/TX ) , (12)

Lline =
h
1.7 ⇥ 10�18 exp(Tl/T)⇠�1

T
�1/2 + 10�24

i
�, (13)

Lbrem = 3.3 ⇥ 10�27
T

1/2. (14)

In the above equations,TX = 8⇥107 K is the ‘characteristic tempera-
ture’ of the X-ray radiation (Sazonov, Ostriker & Sunyaev 2004) and
Tl parameterizes the line cooling temperature (Tl = 1.3 ⇥ 105 K).
The parameter � in the line cooling rate is defined to control line
cooling (� < 1 shows optically thick cooling and � = 1 represents

1 It should be noted here that the results are not so sensitive to the value of
⌧.

optically thin cooling). We set � = 1 throughout this paper. In gen-
eral, the line cooling dominates over the other cooling processes.
According to the Blondin formula, the net cooling rate depends on
the gas temperature, T , density and the photoionization parameter,
⇠. The photoionization parameter is expressed as,

⇠ ⌘ f⇤Lacc
nr2 e�⌧x, (15)

where e

⌧x =

π r

rmin
⇢xdr. (16)

Here ⌧x is the X-ray scattering optical depth in the radial di-
rection, x = 0.4 cm2g�1 is the X-ray opacity, n = ⇢/(µmp) is the
number density of the local gas located at the distance r from the
AGN, mp denotes the proton mass, and µ is the mean molecular
mass which is set to be 1 in this paper.

3.4 The radiation force

As mentioned in previous edits earlier, we modeled two di�er-
ent continuum radiation sources for the central AGN including a
spherical corona plus an extended disk. If the gas is moderately
ionized, absorption processes such as photoionization should also
contributed to the radiation force. Therefore, regarding the sources
of photons, in addition to the radiation from the central AGN, the
’local’ photons from the local radiative processes and scattered
photons originally from the central AGN should also be included,
i.e.,

Frad = Fc + Fre, (17)

where Fc is the radiation force from central engine and Fre denotes
the radiation force due to the ’re-radiation’ process. To evaluate
radiation form central AGN, we use point source approximation,
(see equations (6) and (7)). We consider the corona is contributed to
the radiation force only due to electron scattering that is responsible
for ionizing the gas to the high ionization state. Also, the disk
radiation force is due to both electron scattering as well as line
force. Therefore,

Fc = Fe + Fline (18)

where the force due to electron scattering given by,

Fe =
esLacc
4⇡r2c

[ f⇤ + 2 |cos ✓ | fd] r̂, (19)

where es is the mass-scattering coe�cient for free electrons. In
Liu et al. 2013, the radiative force due to X-ray electron scattering
was not considered. The inclusion of this extra force is one of the
changes we make compare to our previous work to check whether
this new term does a�ect the results or not.

To evaluate the radiative acceleration due to the disk line force,
we assume that only optical/UV photons have contributions, but
neglect the possible line force due to some metal lines in the soft
X-ray band. To calculate line force we generally follow modified
Castor, Abbott, & Klein method (Castor et al. 1975; see also Proga
2007). The line force at a point r can be described as

Fline =

º
⌦
M(t)


esI(r, n̂)

c

�
n̂ d⌦, (20)

where I, ⌦, and M are the frequency integrated continuum inten-
sity in the direction n̂, the solid angle subtended by the source of
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radiation and the force multiplier, respectively. The force multiplier
is a factor that parameterizes by how much spectral lines increase
the scattering coe�cient. When the gas is not fully ionized as in our
present case, absorption processes such as photoionization should
also contribute to the force which we characterize it by €EX/(⇢c).
Here, €EX represents the sum of Compton heating/cooling rate and
X-ray photoionization heating and recombination cooling rate as,

€EX = n
2
⇣
GComp + GX

⌘
(21)

By the help of equations (6), (7), and (19), one can simply
show that the total radiative force due to the central AGN photons
then can be written as,

Fc =
€EX
⇢c
+
es
c

Lacc
4⇡r2 ( f⇤ + 2 fd [1 +M(t)] |cos ✓ |) r̂. (22)

To evaluate force multiplier, we use the Sobolev approximation
(reference !!!) as

M(t) = kt
�↵

"
(1 + t⌘max)(1�↵) � 1

t⌘(1�↵)max

#
, (23)

where ↵ is the ratio of optically thick to optically thin lines and set
to be ↵ = 0.6 here. The parameter t denotes the local optical depth
and is defined as,

t = es⇢vth

���� dvr
dr

����
�1
, (24)

where vth and dvr/dr are the thermal speed of the gas, and gradient
of radial velocity along the radial direction, respectively. In the
equation (23), k and ⌘max are considered to be only functions of the
ionization parameter as

k = 0.03 + 0.385 exp(�1.4 ⇠0.6), (25)

and

log ⌘max =

(
6.9 exp(0.16 ⇠0.4) for log ⇠ 6 0.5,
9.1 exp(�7.96 ⇥ 10�3⇠) for log ⇠ > 0.5.

(26)

The line force and the gas physical conditions not only depend
on photoionization parameter but also, the ionization state as well as
the gas temperature can be a�ected by adiabatic cooling or heating.
Liu et al. 2013 found that the force multiplier M(t) could be up the
order of ⇠ 103 � 104, providing that the gas is moderately ionized
and it could drop rapidly when temperature or the ionization is larger
than some critical values. Consequently, it is totally safe to ignore
the line force when ⇠ > 103 or T > 2 ⇥ 106.

Here, we first computed the line force parameters based on ⇠,
and then corrected the parameters for the gas temperature e�ects as,

log k =

8>>><
>>>:

�0.383 for log T 6 4,
�0.630 logT + 2.138 for 4 < logT 6 4.75,
�3.870 logT + 17.528 for logT > 4.75.

(27)

We adopt the minimum value of k obtained from expressions
(25) and (27).

Now, we calculate the second term in equation (17), i.e. the
re-radiation force. Exact treatment of this force requires the full
radiative transfer calculation which is beyond the scope of this
paper. Because the accretion flow is rotating, the flow has a disk-
like shape. In this case, for simplicity we can adopt the assumption
of plane-parallel approximation. The ’re-radiation’ photons would
eventually escape from the accreting flow, and produce a net force

in the vertical direction. Consider a rectangular box located within
the disk, with the bottom of the box overlapped with the equatorial
plane of the accretion disk while the upper side at height z. ’Re-
radiation’ photons are steadily produced within this box and then
escape. Given the plane-parallel approximation and symmetry, the
net radiative flux due to re-radiation ( and thus the force) should be
only in the upper side of the box. Applying the Gauss theorem, we
can easily calculate the vertical radiative force,

Fre =
es
c

π z

0

⇣
Sc + n

2
Lbrem + n

2
Lline

⌘
dz (28)

where

Sc = ⇢es ·
Lacc
4⇡r2 [ f⇤ + 2 fd |cos ✓ |] (29)

is the source term due to the first-order scattered photons of the
radiation from the central AGN.

4 RESULTS

The model parameters and some basic results are summarized in
Table 1, along with our previous paper (Liu et al. 2013), for com-
parison. Models 5, 6, and 7 are identical to the model 1, 2, 3 Liu
et al. 2013 except we had some improvements in calculation of
re-radiation force (see equations (21) and (22)). To compare the
characteristic of the flows more qualitatively, we calculate the mass
fluxes as a function of radius. The mass inflow, outflow, and net rate
are defined as following

€Min(r) = 4⇡r2
π ⇡/2

0
⇢min(vr, 0) sin(✓) d✓, (30)

€Mout(r) = 4⇡r2
π ⇡/2

0
⇢max(vr, 0) sin(✓) d✓, (31)

€Mnet(r) = 4⇡r2
π ⇡/2

0
⇢ vr sin(✓) d✓. (32)

Here, we consider models with di�erent gas density (⇢0) and
temperature (T0) at the outer boundary to check the e�ects of these
changes on the gas dynamics and gas properties (see columns 2
and 3 of table 1). The time-averaged accretion luminosity and mass
outflow rate are given in column 6 and 7, respectively. The last
column of Table ?? represents the ratio of mass outflow rate at
the outer boundary (rmin) to the mass accretion rate at the inner
boundary (rmax), i.e., ⌘w = €Mout(rmax)/ €Ma(rmin).

4.1 The fiducial run

We first describe the fiducial runs, (i.e. R7a and M7) where the
parameter set is given as follows: MBH = 108

M� , r⇤ = 3rs =
8.8 ⇥ 1013 cm, LEdd = 1.25 ⇥ 1046erg s�1, ⇢0 = 5.0 ⇥ 10�20, and
T0 = 2.0 ⇥ 106. Starting from uniform density and temperature
in our computational domain, we follow the evolution of the flow
with the radiation comes from central AGN. Compare to Liu et al.
(2013), run R7a, the re-radiation terms are modified in this work,
run M7. Figure 1
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radiation and the force multiplier, respectively. The force multiplier
is a factor that parameterizes by how much spectral lines increase
the scattering coe�cient. When the gas is not fully ionized as in our
present case, absorption processes such as photoionization should
also contribute to the force which we characterize it by €EX/(⇢c).
Here, €EX represents the sum of Compton heating/cooling rate and
X-ray photoionization heating and recombination cooling rate as,
€EX = n

2
GX (21)

By the help of equations (6), (7), and (19), one can simply
show that the total radiative force due to the central AGN photons
then can be written as,

Fc =
€EX
⇢c
+
es
c

Lacc
4⇡r2 ( f⇤ + 2 fd [1 +M(t)] |cos ✓ |) r̂. (22)

To evaluate force multiplier, we use the Sobolev approximation
(reference !!!) as

M(t) = kt
�↵

"
(1 + t⌘max)(1�↵) � 1

t⌘(1�↵)max

#
, (23)

where ↵ is the ratio of optically thick to optically thin lines and set
to be ↵ = 0.6 here. The parameter t denotes the local optical depth
and is defined as,

t = es⇢vth

���� dvr
dr

����
�1
, (24)

where vth and dvr/dr are the thermal speed of the gas, and gradient
of radial velocity along the radial direction, respectively. In the
equation (23), k and ⌘max are considered to be only functions of the
ionization parameter as

k = 0.03 + 0.385 exp(�1.4 ⇠0.6), (25)

and

log ⌘max =

(
6.9 exp(0.16 ⇠0.4) for log ⇠ 6 0.5,
9.1 exp(�7.96 ⇥ 10�3⇠) for log ⇠ > 0.5.

(26)

The line force and the gas physical conditions not only depend
on photoionization parameter but also, the ionization state as well as
the gas temperature can be a�ected by adiabatic cooling or heating.
Liu et al. 2013 found that the force multiplier M(t) could be up the
order of ⇠ 103 � 104, providing that the gas is moderately ionized
and it could drop rapidly when temperature or the ionization is larger
than some critical values. Consequently, it is totally safe to ignore
the line force when ⇠ > 103 or T > 2 ⇥ 106.

Here, we first computed the line force parameters based on ⇠,
and then corrected the parameters for the gas temperature e�ects as,

log k =

8>>><
>>>:

�0.383 for log T 6 4,
�0.630 logT + 2.138 for 4 < logT 6 4.75,
�3.870 logT + 17.528 for logT > 4.75.

(27)

We adopt the minimum value of k obtained from expressions
(25) and (27).

Now, we calculate the second term in equation (17), i.e. the
re-radiation force. Exact treatment of this force requires the full
radiative transfer calculation which is beyond the scope of this
paper. Because the accretion flow is rotating, the flow has a disk-
like shape. In this case, for simplicity we can adopt the assumption
of plane-parallel approximation. The ’re-radiation’ photons would
eventually escape from the accreting flow, and produce a net force

in the vertical direction. Consider a rectangular box located within
the disk, with the bottom of the box overlapped with the equatorial
plane of the accretion disk while the upper side at height z. ’Re-
radiation’ photons are steadily produced within this box and then
escape. Given the plane-parallel approximation and symmetry, the
net radiative flux due to re-radiation ( and thus the force) should be
only in the upper side of the box. Applying the Gauss theorem, we
can easily calculate the vertical radiative force,

Fre =
es
c

π z

0

⇣
Sc + n

2
Lbrem + n

2
Lline

⌘
dz (28)

where

Sc = ⇢es ·
Lacc
4⇡r2 [ f⇤ + 2 fd |cos ✓ |] (29)

is the source term due to the first-order scattered photons of the
radiation from the central AGN.

4 RESULTS

The model parameters and some basic results are summarized in
Table 1, along with our previous paper (Liu et al. 2013), for com-
parison. Models 5, 6, and 7 are identical to the model 1, 2, 3 Liu
et al. 2013 except we had some improvements in calculation of
re-radiation force (see equations (21) and (22)). To compare the
characteristic of the flows more qualitatively, we calculate the mass
fluxes as a function of radius. The mass inflow, outflow, and net rate
are defined as following

€Min(r) = 4⇡r2
π ⇡/2

0
⇢min(vr, 0) sin(✓) d✓, (30)

€Mout(r) = 4⇡r2
π ⇡/2

0
⇢max(vr, 0) sin(✓) d✓, (31)

€Mnet(r) = 4⇡r2
π ⇡/2

0
⇢ vr sin(✓) d✓. (32)

Here, we consider models with di�erent gas density (⇢0) and
temperature (T0) at the outer boundary to check the e�ects of these
changes on the gas dynamics and gas properties (see columns 2
and 3 of table 1). The time-averaged accretion luminosity and mass
outflow rate are given in column 6 and 7, respectively. The last
column of Table ?? represents the ratio of mass outflow rate at
the outer boundary (rmin) to the mass accretion rate at the inner
boundary (rmax), i.e., ⌘w = €Mout(rmax)/ €Ma(rmin).

4.1 The fiducial run

We first describe the fiducial runs, (i.e. R7a and M7) where the
parameter set is given as follows: MBH = 108

M� , r⇤ = 3rs =
8.8 ⇥ 1013 cm, LEdd = 1.25 ⇥ 1046erg s�1, ⇢0 = 5.0 ⇥ 10�20, and
T0 = 2.0 ⇥ 106. Starting from uniform density and temperature
in our computational domain, we follow the evolution of the flow
with the radiation comes from central AGN. Compare to Liu et al.
(2013), run R7a, the re-radiation terms are modified in this work,
run M7. Figure 1
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radiation and the force multiplier, respectively. The force multiplier
is a factor that parameterizes by how much spectral lines increase
the scattering coe�cient. When the gas is not fully ionized as in our
present case, absorption processes such as photoionization should
also contribute to the force which we characterize it by €EX/(⇢c).
Here, €EX represents the sum of Compton heating/cooling rate and
X-ray photoionization heating and recombination cooling rate as,
€EX = n

2
GX (21)

By the help of equations (6), (7), and (19), one can simply
show that the total radiative force due to the central AGN photons
then can be written as,

Fc =
€EX
⇢c
+
es
c

Lacc
4⇡r2 ( f⇤ + 2 fd [1 +M(t)] |cos ✓ |) r̂. (22)

To evaluate force multiplier, we use the Sobolev approximation
(reference !!!) as

M(t) = kt
�↵

"
(1 + t⌘max)(1�↵) � 1

t⌘(1�↵)max

#
, (23)

where ↵ is the ratio of optically thick to optically thin lines and set
to be ↵ = 0.6 here. The parameter t denotes the local optical depth
and is defined as,

t = es⇢vth

���� dvr
dr

����
�1
, (24)

where vth and dvr/dr are the thermal speed of the gas, and gradient
of radial velocity along the radial direction, respectively. In the
equation (23), k and ⌘max are considered to be only functions of the
ionization parameter as

k = 0.03 + 0.385 exp(�1.4 ⇠0.6), (25)

and

log ⌘max =

(
6.9 exp(0.16 ⇠0.4) for log ⇠ 6 0.5,
9.1 exp(�7.96 ⇥ 10�3⇠) for log ⇠ > 0.5.

(26)

The line force and the gas physical conditions not only depend
on photoionization parameter but also, the ionization state as well as
the gas temperature can be a�ected by adiabatic cooling or heating.
Liu et al. 2013 found that the force multiplier M(t) could be up the
order of ⇠ 103 � 104, providing that the gas is moderately ionized
and it could drop rapidly when temperature or the ionization is larger
than some critical values. Consequently, it is totally safe to ignore
the line force when ⇠ > 103 or T > 2 ⇥ 106.

Here, we first computed the line force parameters based on ⇠,
and then corrected the parameters for the gas temperature e�ects as,

log k =

8>>><
>>>:

�0.383 for log T 6 4,
�0.630 logT + 2.138 for 4 < logT 6 4.75,
�3.870 logT + 17.528 for logT > 4.75.

(27)

We adopt the minimum value of k obtained from expressions
(25) and (27).

Now, we calculate the second term in equation (17), i.e. the
re-radiation force. Exact treatment of this force requires the full
radiative transfer calculation which is beyond the scope of this
paper. Because the accretion flow is rotating, the flow has a disk-
like shape. In this case, for simplicity we can adopt the assumption
of plane-parallel approximation. The ’re-radiation’ photons would
eventually escape from the accreting flow, and produce a net force

in the vertical direction. Consider a rectangular box located within
the disk, with the bottom of the box overlapped with the equatorial
plane of the accretion disk while the upper side at height z. ’Re-
radiation’ photons are steadily produced within this box and then
escape. Given the plane-parallel approximation and symmetry, the
net radiative flux due to re-radiation ( and thus the force) should be
only in the upper side of the box. Applying the Gauss theorem, we
can easily calculate the vertical radiative force,

Fre =
es
c

π z

0

⇣
Sc + n

2
Lbrem + n

2
Lline

⌘
dz (28)

where

Sc = ⇢es ·
Lacc
4⇡r2 [ f⇤ + 2 fd |cos ✓ |] (29)

is the source term due to the first-order scattered photons of the
radiation from the central AGN.

4 RESULTS

The model parameters and some basic results are summarized in
Table 1, along with our previous paper (Liu et al. 2013), for com-
parison. Models 5, 6, and 7 are identical to the model 1, 2, 3 Liu
et al. 2013 except we had some improvements in calculation of
re-radiation force (see equations (21) and (22)). To compare the
characteristic of the flows more qualitatively, we calculate the mass
fluxes as a function of radius. The mass inflow, outflow, and net rate
are defined as following

€Min(r) = 4⇡r2
π ⇡/2

0
⇢min(vr, 0) sin(✓) d✓, (30)

€Mout(r) = 4⇡r2
π ⇡/2

0
⇢max(vr, 0) sin(✓) d✓, (31)

€Mnet(r) = 4⇡r2
π ⇡/2

0
⇢ vr sin(✓) d✓. (32)

Here, we consider models with di�erent gas density (⇢0) and
temperature (T0) at the outer boundary to check the e�ects of these
changes on the gas dynamics and gas properties (see columns 2
and 3 of table 1). The time-averaged accretion luminosity and mass
outflow rate are given in column 6 and 7, respectively. The last
column of Table ?? represents the ratio of mass outflow rate at
the outer boundary (rmin) to the mass accretion rate at the inner
boundary (rmax), i.e., ⌘w = €Mout(rmax)/ €Ma(rmin).

4.1 The fiducial run

We first describe the fiducial runs, (i.e. R7a and M7) where the
parameter set is given as follows: MBH = 108

M� , r⇤ = 3rs =
8.8 ⇥ 1013 cm, LEdd = 1.25 ⇥ 1046erg s�1, ⇢0 = 5.0 ⇥ 10�20, and
T0 = 2.0 ⇥ 106. Starting from uniform density and temperature
in our computational domain, we follow the evolution of the flow
with the radiation comes from central AGN. Compare to Liu et al.
(2013), run R7a, the re-radiation terms are modified in this work,
run M7. Figure 1
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where n = ρ/(µmp) is the number density of the local gas
located at the distance r from the AGN, mp denotes the pro-
ton mass, and µ is the mean molecular weight which is set
to be 1. In the above equations, TX = 8×107 K is the ‘char-
acteristic temperature’ of the X-ray radiation (Sazonov, Os-
triker & Sunyaev 2004) and Tl parameterizes the line cooling
temperature (Tl = 1.3× 105 K). The parameter δ in the line
cooling rate is used to control line cooling (δ < 1 represents
optically thick cooling and δ = 1 represents optically thin
cooling). We set δ = 1. In general, the line cooling dominates
over the other cooling processes. According to the Blondin
formula, the net cooling rate depends on the gas tempera-
ture, T , density, and the photoionization parameter, ξ. The
photoionization parameter is expressed as,

ξ ≡ f∗Lacc

nr2
e−τx , (15)

where,

τx =

! r

rmin

ρκxdr. (16)

As mentioned before, τx is the X-ray scattering optical
depth in the radial direction, and κx = 0.4 cm2g−1 is the
X-ray opacity,

3.4 The radiation force

The photons from the central AGN can exert radiation force
on gas. The photons generated locally can also exert radia-
tion force on gas,

Frad = Fc + Fre, (17)

Fc is the radiation force from central engine and Fre denotes
the radiation force due to the ‘re-radiation’ process. To e-
valuate radiation from central AGN, we use point source
approximation, (see equations (6) and (7)).

The X-rays from the corona can exert a force due to
Thomson scaterring.

FeX =
κesLacc

4πr2c
f∗r̂, (18)

In Liu et al. (2013), we do not consider this force. This is the
first big difference between this work and Liu et al. (2013).

When the gas is not fully ionized as in our present case,
absorption processes such as photoionization should also be
contributed to the force which we characterize it by ĖX/(ρc).
In this paper, we have

ĖX = n2GX. (19)

In Liu et al. (2013), we use ĖX = n2(GX + GComp). This
is the second difference between this work and Liu et al.
(2013).

The UV photons from the disc of central AGN can have
a radiation force due to Thomson scattering on gas,

FeUV =
κesLacc

4πr2c
2 |cos θ| fdr̂, (20)

To evaluate the radiative acceleration due to the dis-
c line force, we assume that only optical/UV photons have
contributions. To calculate line force, we generally follow

Castor et al. 1975. The line force at a point r can be de-
scribed as,

Fline =

"

Ω

M(t)

#
κesI(r, n̂)

c

$
n̂ dΩ, (21)

where I, Ω are the frequency integrated continuum intensity
in the direction n̂, and the solid angle subtended by the
source of radiation, respectively. In the above equation, M
represents the force multiplier (Castor et al. 1975) that is a
factor to parameterize how much spectral lines increase the
scattering coefficient (see Proga et al. 2000 for more details).

The radiation force due to photons from central AGN is
described in Equations (18)-(21). The total radiation force
from the central AGN can be written as,

Fc =
ĖX

ρc
+
κes

c
Lacc

4πr2
(f∗ + 2fd [1 +M(t)] |cos θ|) r̂. (22)

The calculation of the re-radiation force (the second
term in equation (17)) is exactly same as that in Liu et
al. (2013). For convenience, we briefly introduced here. We
adopt the plane-parallel approximation (see Liu et al. 2013,
for more details). By considering this approximation, the re-
radiation force will be in z-direction. After using the Gauss
theorem, the vertical radiative force will be as follows,

Fre =
κes

c

! z

0

%
Sc + n2Lbrem + n2Lline

&
dz (23)

where

Sc = ρκes ·
Lacc

4πr2
[f∗ + 2 fd |cos θ|] (24)

is the source term due to the first-order scattered photons
of the radiation from the central AGN.

4 RESULTS

We summarize our simulations in Table 1. We have per-
formed 10 simulations with different combinations of ρ0 and
T0 for gas at the outer boundary to explore the effects of
these parameters (see columns 2 and 3 of table 1). The model
parameters and some basic results are summarized in Table
1. In models 1, 2, 3 and 4, the calculation of radiation force
due to central AGN X-ray photons is same as that in Liu
et al. (2013). In models 5-10, we use the new formula to
calculate the radiation force due to central AGN X-ray pho-
tons (see Section 3.4). To quantitatively study the flows, we
calculate the mass inflow, outflow, and net rate as follows,

Ṁin(r) = 4πr2
! π/2

0

ρmin(vr, 0) sin(θ) dθ, (25)

Ṁout(r) = 4πr2
! π/2

0

ρmax(vr, 0) sin(θ) dθ, (26)

Ṁnet(r) = 4πr2
! π/2

0

ρ vr sin(θ) dθ. (27)

The time-averaged accretion luminosity and mass out-
flow rate are given in columns 5 and 6 of Table 1, re-
spectively. The last column of Table 1 gives the ratio of
mass outflow rate at the outer boundary (rmax) to the
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where n = ρ/(µmp) is the number density of the local gas
located at the distance r from the AGN, mp denotes the pro-
ton mass, and µ is the mean molecular weight which is set
to be 1. In the above equations, TX = 8×107 K is the ‘char-
acteristic temperature’ of the X-ray radiation (Sazonov, Os-
triker & Sunyaev 2004) and Tl parameterizes the line cooling
temperature (Tl = 1.3× 105 K). The parameter δ in the line
cooling rate is used to control line cooling (δ < 1 represents
optically thick cooling and δ = 1 represents optically thin
cooling). We set δ = 1. In general, the line cooling dominates
over the other cooling processes. According to the Blondin
formula, the net cooling rate depends on the gas tempera-
ture, T , density, and the photoionization parameter, ξ. The
photoionization parameter is expressed as,

ξ ≡ f∗Lacc

nr2
e−τx , (15)

where,

τx =

! r

rmin

ρκxdr. (16)

As mentioned before, τx is the X-ray scattering optical
depth in the radial direction, and κx = 0.4 cm2g−1 is the
X-ray opacity,

3.4 The radiation force

The photons from the central AGN can exert radiation force
on gas. The photons generated locally can also exert radia-
tion force on gas,

Frad = Fc + Fre, (17)

Fc is the radiation force from central engine and Fre denotes
the radiation force due to the ‘re-radiation’ process. To e-
valuate radiation from central AGN, we use point source
approximation, (see equations (6) and (7)).

The X-rays from the corona can exert a force due to
Thomson scaterring.

FeX =
κesLacc

4πr2c
f∗r̂, (18)

In Liu et al. (2013), we do not consider this force. This is the
first big difference between this work and Liu et al. (2013).

When the gas is not fully ionized as in our present case,
absorption processes such as photoionization should also be
contributed to the force which we characterize it by ĖX/(ρc).
In this paper, we have

ĖX = n2GX. (19)

In Liu et al. (2013), we use ĖX = n2(GX + GComp). This
is the second difference between this work and Liu et al.
(2013).

The UV photons from the disc of central AGN can have
a radiation force due to Thomson scattering on gas,

FeUV =
κesLacc

4πr2c
2 |cos θ| fdr̂, (20)

To evaluate the radiative acceleration due to the dis-
c line force, we assume that only optical/UV photons have
contributions. To calculate line force, we generally follow

Castor et al. 1975. The line force at a point r can be de-
scribed as,

Fline =

"

Ω

M(t)

#
κesI(r, n̂)

c

$
n̂ dΩ, (21)

where I, Ω are the frequency integrated continuum intensity
in the direction n̂, and the solid angle subtended by the
source of radiation, respectively. In the above equation, M
represents the force multiplier (Castor et al. 1975) that is a
factor to parameterize how much spectral lines increase the
scattering coefficient (see Proga et al. 2000 for more details).

The radiation force due to photons from central AGN is
described in Equations (18)-(21). The total radiation force
from the central AGN can be written as,

Fc =
ĖX

ρc
+
κes

c
Lacc

4πr2
(f∗ + 2fd [1 +M(t)] |cos θ|) r̂. (22)

The calculation of the re-radiation force (the second
term in equation (17)) is exactly same as that in Liu et
al. (2013). For convenience, we briefly introduced here. We
adopt the plane-parallel approximation (see Liu et al. 2013,
for more details). By considering this approximation, the re-
radiation force will be in z-direction. After using the Gauss
theorem, the vertical radiative force will be as follows,

Fre =
κes

c

! z

0

%
Sc + n2Lbrem + n2Lline

&
dz (23)

where

Sc = ρκes ·
Lacc

4πr2
[f∗ + 2 fd |cos θ|] (24)

is the source term due to the first-order scattered photons
of the radiation from the central AGN.

4 RESULTS

We summarize our simulations in Table 1. We have per-
formed 10 simulations with different combinations of ρ0 and
T0 for gas at the outer boundary to explore the effects of
these parameters (see columns 2 and 3 of table 1). The model
parameters and some basic results are summarized in Table
1. In models 1, 2, 3 and 4, the calculation of radiation force
due to central AGN X-ray photons is same as that in Liu
et al. (2013). In models 5-10, we use the new formula to
calculate the radiation force due to central AGN X-ray pho-
tons (see Section 3.4). To quantitatively study the flows, we
calculate the mass inflow, outflow, and net rate as follows,

Ṁin(r) = 4πr2
! π/2

0

ρmin(vr, 0) sin(θ) dθ, (25)

Ṁout(r) = 4πr2
! π/2

0

ρmax(vr, 0) sin(θ) dθ, (26)

Ṁnet(r) = 4πr2
! π/2

0

ρ vr sin(θ) dθ. (27)

The time-averaged accretion luminosity and mass out-
flow rate are given in columns 5 and 6 of Table 1, re-
spectively. The last column of Table 1 gives the ratio of
mass outflow rate at the outer boundary (rmax) to the
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Numerical Set up
Zeus-MP code

The angular range of 0◦ < θ < 90◦ and the radial range of 

ri = 500 r∗ < r < ro = 2.5 × 105 r∗. 

Axis-of-symmetry  at  the  rotation  axis  and  reflecting 

boundary condition at the equatorial plane  

The outflow boundary conditions are applied at the inner/

outer radial boundary. 

Lacc self-consistently determined.
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Figure 5. Snapshots of contours of logarithmic gas density (left-hand column) and logarithmic temperature (right-hand column) corre-
spond to models M5, M9 and M10, respectively. The density over-plotted with the directions of poloidal velocity as arrows (left column).
The figures are placed in order of increasing density and tempruture at r = rmax, (see, Table 1). The corresponding temperature maps
of each model are placed in the right column. The colour tables for the density and temperature maps are labelled with the logarithmic
values in g cm−3 and K, respectively.
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Figure 2. Snapshots of contours of logarithmic gas density (left-hand column) and logarithmic temperature (right-hand column) at
steady state. The top panel is for Model M7 (our model), and the bottom panel is for Model R7a (Liu et al. 2013 paper).

4.2 The effects of gas temperature at the outer
boundary

In the fiducial models explained above, we have assumed
that the gas has temperature of T0 = 2 × 106 K at the
outer boundary. The corresponding Bondi radius is about
rB = GMBH/c

2
s ∼ 2.2rmax which is two times larger than

the outer boundary of the computational domain. If gas has
ten times higher temperature, the Bondi radius will be s-
maller than the outer boundary of the simulation domain.
We perform higher temperature simulations mainly because
that from observational point of view, the mass accretion
rate will be determined at the Bondi radius. Here, we choose
higher temperature T0 = 2×107. These models are present-
ed in the last rows of Table. 1 (see models M9 and, M10).

Bottom panel of Figure 4 shows the time evolution of
the accretion luminosity for models M5 (green line; T0 = 2×

106 K, ρ0 = 1.0× 10−20), M7 (red line; T0 = 2× 106 K, ρ0 =
5.0×10−20), M9 (blue line; T0 = 2×107 K, ρ0 = 1.0×10−20),
and M10 (black line; T0 = 2 × 107 K, ρ0 = 5.0 × 10−20).
From this figure, we can see almost all accretion luminosities
in these models are super-Eddington. The sub-Eddington
puzzle is not solved by above mentioned modifications to
the corona X-ray radiation force.

It is interesting to note that all the models presented
here reach to the steady stated after time = 3.0 × 1012 s.
More surprisingly, the results for models with higher out-
er boundary temperature do not show any oscillations (see
Figure 4) which is found in previous works such as Liu et
al. 2013, and Novak, Ostriker & Ciotti 2012. According to
previous study, such oscillations were generated due to the
radiative feedback. They explain the oscillations as follows.
When the radiative feedback, heats the gas to the temper-
ature above the viral temperature, then the gas becomes

c⃝ 2002 RAS, MNRAS 000, 1–??
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Figure 1. Comparison between models R7a and M7. The only difference between models M7 and R7a lies in the calculation of radiation
force due to corona X-ray photons from the central AGN (see Section 3.4). Top panel: the radial profiles of mass inflow rate (blue solid
lines), outflow rate (red solid lines) and the net rate (black dotted lines) in unit of 1025g s−1. Bottom panel: the radial profiles of gas
density (left-hand panel, in unit of 10−18g cm−3) and temperature (right-hand panel, in unit of K ) averaged over three grids above the
equatorial plane. The data are time-averaged.

diation from the central AGN, respectively. We define these
quantities as,

ṗw(r) = 4πr2
! π/2

0

ρv2r sin(θ) dθ for vr > 0, (28)

Ėk(r) = 2πr2
! π/2

0

ρv3r sin(θ) dθ for vr > 0, (29)

Ėth(r) = 4πr2
! π/2

0

evr sin(θ) dθ for vr > 0, (30)

It can be apparently seen that the momentum flux of
the radiation is higher than that of the outflow at all radii. In
both models, the momentum flux of the wind, ṗw, increases
with increasing radius and gets very close to the radiation

flux at the outer boundary. Wind momentum flux in model
M7 is much bigger than that in model M7a. The bottom-
right panel of Figure 3 shows the kinetic (Ėk) and thermal
energy fluxes (Ėth) of the outflow. The kinetic energy of
outflow in model M7 is about 10 times higher than that
in model R7a. The kinetic energy flux is much higher than
thermal energy flux in the two models.

The top panel of Figure. 4 shows the emitted luminosity
normalized by Eddington luminosity, Lacc/LEdd, as a func-
tion of time for models M7 and R7a. Column 5 in Table
1 also shows corresponding time averaged luminosities nor-
malized by the standard deviations σn. Although we modi-
fied the radiation pressure due to central corona X-ray pho-
tons, the luminosity in model M7 is still super-Eddington,
Lacc/LEdd ∼ 1.64. Consequently, the sub-Eddington puzzle
has not be solved by these modifications.
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Figure 1. Comparison between models Model K7a (without considering re-radiation; top-left panel and the red solid line in the bottom panels) and Model
R7a (with re-radiation included; top-right panel and the blue dotted line in the bottom panels). Top panel: the radial profiles of mass inflow rate (blue dotted
line), outflow rate (green dashed line) and the net rate (red solid line) in unit of 1025 g s−1. Bottom panel: the radial profiles of gas density (left-hand panel, in
unit of 10−18g cm−3) and temperature (right-hand panel, in unit of K) averaged over three grids above the equatorial plane. All the lines are time-averaged.

correlation again becomes almost saturated when ! ! 2. The only
change is the normalization: the outflow rate increases by almost
one order of magnitude as we have stated above.

At last, as we have mentioned above, the re-radiative force makes
the density in most of the region larger. In this case, the attenuation
of X-rays also becomes much more significant, thus the photoion-
ization parameter ξ decreases. As we have mentioned in Section 2.4,
the line force multiplier usually increases with decreasing ξ . In other
words, the line force should increase rather than decrease when we
consider the re-radiation effect.

3.2 Convergence with the inner boundaries

It is necessary to check whether the result converges with various
inner boundaries ri. With this aim, we have implemented a series of
runs (see Table 1) by varying the value of ri.

Fig. 4 shows the simulation results for the model R7 series. The
top and middle panels show the radial profiles of inflow, outflow
and net rates for the four models with different ri, while the bottom
panel shows the time variation of the luminosity of the models.
The values of the outflow rate of the four models are almost same.
Moreover, the radius where the outflow begins to become equal to
the net rate is also roughly same, i.e. ∼(1 − 4) × 104r∗. For the
inflow rate at the inner boundary, models R7a and R7b are almost

same; while model R7c is only about 10 per cent smaller than model
R7a and model R7d is only about 12 per cent smaller than model
R7c. The deviations are within the acceptable range. Therefore, we
think model R7 series are convergent as we vary the radius of the
inner boundaries.

We also did the simulations with different ri for model R5, R6 and
R8 series. The results are also listed in Table 1. For model R5 se-
ries, the largest discrepancy of time-averaged luminosity among the
four models is ∼36 per cent. For model R6 and R8 series, they are
25 per cent and 31 per cent, respectively. We found that the results
are similar when re-radiation is not included, as shown by Models
K6a, K6c and K6d. The change of the luminosity with ri is com-
plicated: the luminosity can increase or decrease with increasing
ri. Physically, when ri increases, the attenuation of X-ray flux will
become weaker, thus the corresponding radiation force becomes
stronger. But on the other hand, when X-ray radiation becomes
weaker, the ionization will become weaker and correspondingly the
line force stronger. Thus, the final result depends on the competi-
tion of these two effects. But one relatively robust result is that the
outflow mainly originates from ∼(1 − 4) × 104r∗. Another note-
worthy result is that the emitted luminosities shown in Fig. 4 are
all super-Eddington, although the re-radiation effect has been taken
into account. So the sub-Eddington puzzle is not solved for these
simulations.
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Figure 4. Time evolution of luminosity normalized by Eddington luminosity LEdd for different models. Top panel: comparison between
models R7a and M7. Bottom panel: The green, red, blue and black lines correspond to models M5, M7, M9 and M10, respectively.

unbound and the accretion rate will be suppressed. Con-
sequently, the radiation from central engine will decrease.
Due to the decrease of central AGN luminosity, the radia-
tive heating rate becomes smaller and the gas temperature
will decrease to the value below the viral temperature. The
reduction of the gas temperature will make the gas supply
rate increase.

To understand why our high temperature models do
not have such oscillations, we plot the logarithmic densi-
ty and temperature contours for high and low tempera-
ture models in Figure 5. The density contours are super-
posed with poloidal velocity vectors. We compare model-
s M5 and M9 which have the same outer boundary den-
sity ρ(rmax) = 1.0 × 10−20 g cm−3, but different values of
T (rmax), i.e. 2.0 × 106K and 2.0 × 107K, respectively. In
model M5, which has lower value of outer boundary gas
temperature, streams form when gas falls towards the BH
in a range of 52◦ ! θ < 90◦. The outflow is present in a
wide range of polar angles, i.e., 15◦ ! θ ! 52◦. In model

M9, the dense infall region occupies a large polar region of
30◦ ! θ < 90◦. The outflow only occurs in a very small
polar region, 20◦ ! θ ! 30◦. The time-averaged accretion
luminosity and mass outflow rate of model M5 are shown
in columns 5 and 6 of Tabel. 1. They are Lacc/LEdd ∼ 0.79
and Ṁout(rmax) ∼ 4.7 × 1026 g s−1, respectively. The two
quantities in model M9 are Lacc/LEdd ∼ 1.29(0.01) and
Ṁout(rmax) ∼ 1.23 × 1027 g s−1, respectively. The normal-
ized standard deviation of mass accretion rate, σn for model
M9 is about 0.01. These results show that for higher outer
boundary temperature models, there are enough inflowing
gas for accretion process at all times. Consequently, the ac-
cretion luminosity is not variable and no oscillations have
been found in high temperature models.

4.3 Observation implications

In this subsection, we will briefly introduce the observa-
tional implications of our new results. In the observation-
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where n = ρ/(µmp) is the number density of the local gas
located at the distance r from the AGN, mp denotes the pro-
ton mass, and µ is the mean molecular weight which is set
to be 1. In the above equations, TX = 8×107 K is the ‘char-
acteristic temperature’ of the X-ray radiation (Sazonov, Os-
triker & Sunyaev 2004) and Tl parameterizes the line cooling
temperature (Tl = 1.3× 105 K). The parameter δ in the line
cooling rate is used to control line cooling (δ < 1 represents
optically thick cooling and δ = 1 represents optically thin
cooling). We set δ = 1. In general, the line cooling dominates
over the other cooling processes. According to the Blondin
formula, the net cooling rate depends on the gas tempera-
ture, T , density, and the photoionization parameter, ξ. The
photoionization parameter is expressed as,

ξ ≡ f∗Lacc

nr2
e−τx , (15)

where,

τx =

! r

rmin

ρκxdr. (16)

As mentioned before, τx is the X-ray scattering optical
depth in the radial direction, and κx = 0.4 cm2g−1 is the
X-ray opacity,

3.4 The radiation force

The photons from the central AGN can exert radiation force
on gas. The photons generated locally can also exert radia-
tion force on gas,

Frad = Fc + Fre, (17)

Fc is the radiation force from central engine and Fre denotes
the radiation force due to the ‘re-radiation’ process. To e-
valuate radiation from central AGN, we use point source
approximation, (see equations (6) and (7)).

The X-rays from the corona can exert a force due to
Thomson scaterring.

FeX =
κesLacc

4πr2c
f∗r̂, (18)

In Liu et al. (2013), we do not consider this force. This is the
first big difference between this work and Liu et al. (2013).

When the gas is not fully ionized as in our present case,
absorption processes such as photoionization should also be
contributed to the force which we characterize it by ĖX/(ρc).
In this paper, we have

ĖX = n2GX. (19)

In Liu et al. (2013), we use ĖX = n2(GX + GComp). This
is the second difference between this work and Liu et al.
(2013).

The UV photons from the disc of central AGN can have
a radiation force due to Thomson scattering on gas,

FeUV =
κesLacc

4πr2c
2 |cos θ| fdr̂, (20)

To evaluate the radiative acceleration due to the dis-
c line force, we assume that only optical/UV photons have
contributions. To calculate line force, we generally follow

Castor et al. 1975. The line force at a point r can be de-
scribed as,

Fline =

"

Ω

M(t)

#
κesI(r, n̂)

c

$
n̂ dΩ, (21)

where I, Ω are the frequency integrated continuum intensity
in the direction n̂, and the solid angle subtended by the
source of radiation, respectively. In the above equation, M
represents the force multiplier (Castor et al. 1975) that is a
factor to parameterize how much spectral lines increase the
scattering coefficient (see Proga et al. 2000 for more details).

The radiation force due to photons from central AGN is
described in Equations (18)-(21). The total radiation force
from the central AGN can be written as,

Fc =
ĖX

ρc
+
κes

c
Lacc

4πr2
(f∗ + 2fd [1 +M(t)] |cos θ|) r̂. (22)

The calculation of the re-radiation force (the second
term in equation (17)) is exactly same as that in Liu et
al. (2013). For convenience, we briefly introduced here. We
adopt the plane-parallel approximation (see Liu et al. 2013,
for more details). By considering this approximation, the re-
radiation force will be in z-direction. After using the Gauss
theorem, the vertical radiative force will be as follows,

Fre =
κes

c

! z

0

%
Sc + n2Lbrem + n2Lline

&
dz (23)

where

Sc = ρκes ·
Lacc

4πr2
[f∗ + 2 fd |cos θ|] (24)

is the source term due to the first-order scattered photons
of the radiation from the central AGN.

4 RESULTS

We summarize our simulations in Table 1. We have per-
formed 10 simulations with different combinations of ρ0 and
T0 for gas at the outer boundary to explore the effects of
these parameters (see columns 2 and 3 of table 1). The model
parameters and some basic results are summarized in Table
1. In models 1, 2, 3 and 4, the calculation of radiation force
due to central AGN X-ray photons is same as that in Liu
et al. (2013). In models 5-10, we use the new formula to
calculate the radiation force due to central AGN X-ray pho-
tons (see Section 3.4). To quantitatively study the flows, we
calculate the mass inflow, outflow, and net rate as follows,

Ṁin(r) = 4πr2
! π/2

0

ρmin(vr, 0) sin(θ) dθ, (25)

Ṁout(r) = 4πr2
! π/2

0

ρmax(vr, 0) sin(θ) dθ, (26)

Ṁnet(r) = 4πr2
! π/2

0

ρ vr sin(θ) dθ. (27)

The time-averaged accretion luminosity and mass out-
flow rate are given in columns 5 and 6 of Table 1, re-
spectively. The last column of Table 1 gives the ratio of
mass outflow rate at the outer boundary (rmax) to the
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The outflow mass flux becomes significant from 2 × 103 rs which is consistent with 
features of ultrafast outflows, (102 − 104) rs  Tombesi et al. (2010, 2011, 2012a,b)  
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Figure 3. Properties of outflow in models M7 (red lines) and R7a (blue lines). Top: the angular distribution of the mass outflow rate
(top-left panel, in unit of 1025g s−1 and density (top-right panel, in unit of 10−21g s−1) ; Middle: the radial profile of the mass flux-
weighted radial velocity of the outflow (left panel, in unit of cm s−1) and angular distribution of the outflow velocity (right panel, in unit
of cm s−1); Bottom-left: the radial profile of the momentum flux of the outflow (in unit of 1032 g cm s−2; the solid lines) and radiation
flux from the central AGN (Lacc/c; the dotted lines). Bottom-right: the radial profile of the kinetic (the solid lines) and the thermal (the
dotted lines) energy fluxes in unit of 1040 ergs s−1. All the lines in this figure are time-averaged.
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The  highest  outflow velocity  is 
0.03c.

The  average  mass  outflow  rate 
and kinetic power of outflow at 
outer  boundary  are  ∼  0.2M⊙ 
yr−1 and E ∼  7  ×  1043  ergs−1 
consistent  with  observations  of 
UFOs.



Summary 

 We  perform  two-dimensional  HD  simulations  of  slowly  rotating 
accretion flow in the region 0.01 − 7 pc around SMBH. 

The radiation force due to the locally generated photons (’re-radiation’ 
force)  is considered in our model.
We found that  after  considering the re-radiation force,  the accretion 
flow becomes thicker and the outflow becomes stronger. 
The  properties  of  “line-driven”  outflow  are  consistent  with 
observations of ultrafast outflows. 
The value of  wind momentum flux at  the outer  boundary gets  very 
close to the value of radiation flux. 
The wind kinetic energy flux in our model is 10 times higher than that 
in the previous model.



Future Study

The full radiation transfer calculation (expensive but more 
realistic!)
We will include the interaction between radiation and dust. 
We  consider  the  relatively  large  angular  momentum 
accretion  flow  (a  rotationally  supported  disk  will  be 
formed !)
We  must  include  the  viscosity  (angular  momentum 
transport)
The outflow can also be produced by other mechanisms 
such as magnetic field.

“Thank You” 


